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Abstract.
This paper is based on lectures given at the ninth Mexican School on Gravitation and Mathematical Physics. The lectures

(as the paper) were a broad-band review of the current status of non-baryonic dark matter research. I start with a historical
overview of the evidences of dark matter existence, then I discuss how dark matter is distributed from small scale to large
scale, and I then verge the attention to dark matter nature: dark matter candidates and their detection. I finally discuss some of
the limits of the ΛCDM model, with particular emphasis on the small scale problems of the paradigm.

INTRODUCTION

There are many reasons, discussed in the following, to believe that the universe is full of non-luminous and non-
baryonic matter, not seen directly in our present observations, but influencing the evolution of the universe gravita-
tionally1. This mass that would fill the Universe but is not observed is usually termed "dark matter", and the term, or a
similar one, was introduced by Fritz Zwicky when in 1933[1] he studied the Coma cluster and observed that galaxies
relative speeds in the cluster were much too great for them to be held together by the gravitational attraction of the
visible matter alone, and that therefore, there must have been something else holding them together.

Evidently if a component of the universe is non-visible one must have strong evidences, though indirect, to assume
its existence. Plenty of indirect evidences for the existence of dark matter (DM) have been accumulated from the last
century to now. Starting from smaller scales, the flatness of the rotation curves of spiral galaxies further the optical
radius[2], and then the absence of observation of the "Keplerian fall", are a strong evidence that some mass is non-
visible in these objects, and we are led to similar conclusions by studying the velocity dispersion of stars in dwarf
galaxies, that in some cases lead us to conclude that in some of them there is 102− 103 times more mass than can
be attributed to their luminosity [3]. X-ray emission in Ellipticals and Clusters[4] of galaxies are another evidence of
DM existence. Large elliptical galaxies have extended atmospheres of hot gas which appear to be in equilibrium, and
similarly the intergalactic space in clusters is filled with a hot gas with temperature of tens of millions of degrees,
emitting in X-rays by brehmstrahlung. By studying the distribution and temperature of the hot gas it is possible to
measure the gravitational potential of the cluster. This allows the determination of the total mass contained in the
quoted objects. Remarkably, it turns out there is five times more material in clusters of galaxies than we would expect
from the galaxies and hot gas we can see. Another evidence of the existence of DM in galaxies and clusters come form
gravitational lensing[5], and by combining lensing and the X-ray technique. The study of baryons location (through
X-ray observations) and gravitational potential location (through weak lensing) in clusters which suffer collisions
(e.g. the Bullet Cluster[6]) is a strong evidence of the DM existence and of its dissipationless nature. These kind of
studies favor the DM paradigm over modified gravity models. Spiral galaxies satellites have high velocity dispersion
suggesting the existence of DM halos a distances > 200 kpc from the galactic center[7]. At large scales, the study
of the anisotropies in the cosmic microwave background radiation (CMBR), and comparison of the CMBR with
observations (e.g., WMAP), and other data allows to determine the DM content which is largely superior to that
of baryonic matter ([8]). Better constraints to the DM content of the Universe can be obtained combining different
techniques (e.g. Baryonic Acoustic Oscillations (BAO), CMBR, and Supernovae ([9])). Structure formation requires
DM, and can be used to put constraints on it ([10]).

In this paper, I will discuss in section 1 the evidences for DM existence, treated following an historical perspective.

1 To date there is no conclusive evidence of dark matter from electroweak or other kinds of non-gravitational interactions.
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In section 2, I will describe how DM is distributed in structures. In section 3, I discuss the nature of dark matter (DM),
the reasons why DM cannot be all baryonic, why it should be in particles, the characteristics of these particles, and the
detection methods and experiments set up to find it. In section 4, I will discuss the limits and problems of the paradigm
at small scale and how they can be overcome.

DM EVIDENCES

Before starting to discuss the evidences of DM existence, I will introduce the luminosity-mass ratio, L/M, and its
connection with the matter density parameter, Ωm.

As usual, we define the critical density ρc = 3H2/8πGN = 1.88×10−29ho
2 g cm−3, where Ho = 100ho km Mpc−1

s−1 is the present value of the Hubble, and GN the gravitational constant. If φ(L) is the number density of galaxies
having a total luminosity L, the galaxies mean luminosity density is given by:

L =
∫

Lφ(L)dL' 2±0.2×108hoL�Mpc−3 (1)

where L� = 3.8×1033 erg s−1 is the solar luminosity.
A connection between Ωm and M/L can be obtained as:

Ωm =
ρ

ρc
= (M/L)/(M/L)c (2)

if we define a critical mass-to-light ratio as:

(M/L)c = ρc/L ' 1390ho(M�/L�) (3)

The mass-luminosity ratio is a useful measure of mass and a good indicator of DM presence in a given region. If the
typical star in a given region was equal in mass to the sun, the ratio of total mass to total light would be unity, larger
than unity if the typical star was less massive, and smaller than unity for more massive stars.

For nearby stars the resulting ratio is found to be ' 2 (in solar units of solar mass (M) to solar luminosity (L)) then
we conclude that the average star near the sun is slightly less massive than the sun. In the solar vicinity, there is little
necessity for any dark matter other than "dark baryonic matter" (as we will see in the rest of the discussion).

Typical values of M/L are: M/L = (10− 20)hoM�/L� (Ωm ' 0.01), in the bright central part of galaxies; (60−
180)hoM�/L� (Ωm ' 0.1) for small galaxies groups; (200−500)hoM�/L� (Ωm ' 0.3) for clusters of galaxies[11]).
The quoted values depend on the wavelength.

As was told in the introduction, DM is not directly observed and its existence is inferred from its influence on the
evolution of the universe through gravitation. From this point of view, the "DM problem" is similar to the old problem
of invisible stars or planets (Procyon B; Sirius B; Uranus, Neptune, etc.), which were not visible but their existence
was deduced through their perturbation on "neighboring" objects. In 1844 Bessel deduced the existence of the unseen
companions for Sirius and Procyon and the invisible companions were detected in 1862 by Alvan Graham Clark and
his father Alvan Clark and by John Schaeberle in 1896, respectively. Similarly Neptune was detected in 1846 by J.
G. Galle using J. C. Adams (1845) and U. Leverrier (1846) calculations linked to the anomalous motion of Uranus.
After Neptune’s discovery, Lowell proposed the Planet X hypothesis, namely the existence of a ninth planet whose
gravity could have perturbed Uranus orbit, in order to explain apparent discrepancies in the orbits of the gas giants,
particularly Uranus and Neptune, . The ninth planet, was discovered in 1930 by C. Tombaugh and named Pluto. It
was later understood that Lowell’s prediction was wrong. The mass of Pluto is so small (0.002M⊕ [12]) that is cannot
produce the observed anomalies. Uranus anomalies disappeared when Neptune mass was corrected in 1989 using
Voyager 2’s fly by of the planet. Another story of a blunder was that of the planet Vulcan, hypothetical planet in the
orbit between Mercury and the Sun which should have been the responsible of the anomalies in Mercury motion.
Mercury’s orbit has now been explained by Albert Einstein’s theory of general relativity.

The "DM problem" is somehow similar to the problem of unseen planets. Observing astrophysical systems (galaxies,
clusters of galaxies) we notice some "anomalies" (e.g., rotation curves different than what expected) that can be
explained assuming that the Universe contains a large amount of invisible matter, or assuming that our knowledge of
the laws of gravitation is not correct.

We will start our trip in search of the quoted irregularities (i.e., DM) starting from the solar’s neighborhood. In 1922
Kapteyn ([13]) studied the vertical motions of all known stars near the Galactic plane to determine the acceleration



TABLE 1. Local density expectations from theory and observations.

density(Theory) density(Observed)

Katpeyn(1922) No DM
Jeans(1923) Two dark stars to each bright star-> DM needed
Oort(1932) 0.09 M�/pc3 0.03 M�/pc3

Bahcall(1984) 0.19 M�/pc3 0.14 M�/pc3

Kuijken & Gilmore(1988) 50 M�/pc2 50 M�/pc2

TABLE 2. Local density obtained from dynamics and gravita-
tional lensing.

ρ0

Caldwell & Ostriker (1981)[18] 0.23±0.2Gev/cm3

Gates, Gyuk & Turner (1995)[19] 0.30+0.12
−0.11Gev/cm3

Crezét al. (1998)[20] 0.076±0.015M�/pc3

Moore et al. (2001)[22] 0.18−0.30Gev/cm3

Belli et al. (2002)[23] 0.18−0.71Gev/cm3

Strigari & Trotta(2009)[24] 0.32±0.07Gev/cm3

Weber & de Boer (2009)[21] 0.4+0.005
−0.01 Gev/cm3

Catena & Ulio (2009)[25] 0.39±0.03Gev/cm3

Salucci et al. (2010)[26] 0.43±0.21Gev/cm3

of matter. He found that the spatial density is sufficient to explain the vertical motions. Jeans (1923)[14] reanalyzing
Kapteyn’s data reached the conclusion that some mass deficit should exist to explain stars motion. This result was
confirmed by several other authors. Oort (1932)[15]: reanalyzed the vertical motions and came to the same conclusion
as Jeans. The value of DM that Oort found is called the "Oort limit".

Combining Poisson’s equation with the first moment of the Boltzmann Equation in z for an infinite disk one obtains:

d
dz

[
1

n(z)
d(n(z)v2

z )

dz
] = 4πGρo

1
n(z)

d(n(z)v2
z )

dz
= 2πΣ(z) (4)

Solving numerically the coupled equations for a detailed Galaxy model gives the density, ρ0.
In Table 1, I summarize the results comparing observations and theory, starting from the first attempts of Kapteyn.
In Table 2, I summarize the results obtained just through observations from dynamics and microlensing (see also

Pato et al. (2010)[27] and Iocco et al. (2011)[28], also for results from simulations). It is important to stress that a
correct evaluation of ρ0 is of fundamental importance in direct and indirect detection of DM (see the section on DM
detection).

On galaxy clusters scale, Zwicky (1933)[1] measured the radial velocities for eight galaxies in the Coma cluster
finding an unexpectedly large velocity dispersion of ' 1200 km/s. Applying the virial theorem he observed that much
more mass than the observed was needed, in order the cluster conserved its structure. He suggested this light deficit
was due to "dark matter" (Dunkle Materie). He found a value for the mass-light ratio M/L ' 400 much larger than
the value measured more recently (e.g., M/L ' 160[29]) because he assumed a Hubble parameter value of ' 500
km/s/Mpc, at that time considered the correct value. Some years later, Smith (1936)[30] confirmed Zwicky’s earlier
result using galaxies in the Virgo cluster and speculated that "a great mass of internebular material" existed "within
the cluster". Differently from Zwicky and Smith, Babcock (1939)[31] obtained long slit spectra of M31 and noted that
the outer parts of the disk were rotating with unexpectedly high velocities. Babcock’s study of the rotation curve of
M31 predated the work of Rubin & Ford (1970)[32] and Roberts & Whitehurst (1975)[33], which provided the first
widely recognized observational evidence in favor of DM in galaxies. Before discussing the studies of rotation curves
of spiral galaxies, I want to recall another evidence of DM evidence, namely the "timing argument of M31" of Kahn
& Woltjer (1959)[34].



FIGURE 1. Left Panel: Rotation curves of seven galaxies of different Hubble type. At some tens of kpc the Keplerian fall is
not observed. Early type galaxies have higher peaks than later types (from Rubin, Ford, and Thonnard (1978)[35]). Right panel:
rotation curves in HI[2]. The vertical lines on the curves represent the optical radius Ropt = 3.2RD. It is evident the absence of the
Keplerian fall further the optical radius.

As it is known, M31 is approaching the Milky Way (MW). It is possible to calculate the mass needed to have
torbit < tUniverse. Kahn & Woltjer (1959)[34] from this argument deduced that the effective mass was larger than
1.8× 1012M�, namely several times larger than the sum of M31 and MW mass. A more precise description was
presented by Lynden-Bell (1983)[36] and reproduced in Battaner & Florido (2000)[37]. A simple deduction of the
mass of the system is the following. Let’s use a parametric representation of the orbit

r = a(1− ecosη)

t = T/(2π)(η− esinη) (5)

that can combined in the equation

dlogr
dlogt

=
t
r

dr
dt

=
esinη(η− esinη)

(1− ecosη)2 (6)

with
T = 2π

√
a3/(GM) (7)

where M is the system mass, e the eccentricity, a the semi-major axis. Eq. (6) for e = 1, t = 13 Gyr (age of the
universe), r = 740 kpc (distance between the two galaxies), v = −125km/s (approaching velocity) gives η = 4.26.
Introducing the previous values in Eq. (5), and Eq. (7) one gets a system of equations for a, and M. Solving them one
gets: a = 515 kpc, MTot = 4.8×1012M�.

More recent evaluations (with other techniques) of the masses of M31 and the MW give: M31(total) =
1.23+1.8

−0.61012M� (Evans & Wilkinson 2000[38]), MW (total) = (1.26±0.24)×1012M� (McMillan 2011[39]).
The flatness of the rotation curves of galaxies is a strong evidence of DM existence. Rubin & Ford (1970)[32]

observed the rotational velocities of OB associations for M31 up to 20 kpc. If a system is in virial equilibrium its



FIGURE 2. Effect oh the halo mass, MH , on the evolution of the galaxy model. MD is the mass of the disk. From Ostriker and
Peebles (1973)[41]

circular velocity is given by v2
c = GM/r, being M the mass in a given radius r. The previous expression implies that

vc ∝ 1/r, named Keplerian fall. They did not observe any Keplerian fall, expected if all the system mass is associated
with light, but instead observed a flat rotation curve (see Fig. 1). If vc = constant this imply that M ∝ r beyond the
point where no light is visible, and this implies that there is a great quantity of matter (DM) which we do not observe
and responsible of the flatness of the rotation curves (Freeman 1970[40]). Supposing DM is spherically distributed the
M(r) ∝ r implies that the DM distribution has a singular isothermal sphere (SIS) density profile ρ ∝ 1/r2 at distances
far beyond the visible region of the galaxy, which, at those distances coincides with the pseudo isothermal profile (ISO)
: ρ = ρ0

1+(r/r0)2 . Other observations (e.g., [35]) in optical light and in the HI 21 cm emission lines (e.g., [2]), showed that
the flat behavior continued at several optical radii, Ropt (defined as Ropt = 3.2Rd , where RD is the disc scale-length).
Combining the Oort limit and the measured values of M/L suggest that DM is necessary but it cannot be all in the
disc. At around this time, there were a number of influential theoretical studies that examined the implications of DM
in galaxies. Ostriker & Peebles (1973)[41] suggested that cold disks cannot survive, since they would be prone to
bar-instability. According to them, the stability of galactic disks requires the presence of a massive halo of DM around
galaxies. Ostriker-Peebles criterion for stability put a limit to the kinetic to gravitational energy: T/W < 0.14±0.02
(see Fig. 2). Kalnajs 1983[42] and Sellwood 1985[43] were not convinced from the previous argument. According to
them the bulge was equally efficient to stabilize discs.

X-ray emission from hot-gas in elliptical galaxies and clusters is another important evidence of DM existence. The
first detection was around M87 in Virgo (Byram[44]; Bradt[45]) and in Coma and Perseus (Fritz[46]; Gursky[47];
Meekins[48]). For a spherical system in hidrostatic equilibrium the mass is given by:

M(r) =
kT

µmH

r
G
(−

dlnρgas

dlnr
− dlnT

dlnr
) (8)

where k is the Boltzmann constant, T is the temperature of the gas, µ is the mean molecular weight of the gas and
mH is the proton mass A model often used to model the gas density ρgas is the β model obtained for an isothermal
spherical gas cloud in hydrostatic equilibrium if the volume density of galaxies is described by a King profile, and is
given by:

ρgas = ρ0/[1+(r/Rc)
2]3β/2 (9)

whose parameters β and Rc are determined analyzing the X-ray surface brightness profile obtained from X-ray image
analysis. After ρgas and T (r) are obtained through X-ray observations, it is possible to get the total system mass
M(r). An interesting example is M87. Fabricant et al. (1980)[49] (see Fig. 3) found a value for the total mass of
1.7−2.4×1013M�, while the gas mass was ' 1012M�. X-ray observations have shown that the mass of ellipticals is
much larger than the visible mass, and M/L = 30h0−200h0. Similar behaviour is observed in small galaxies groups
(e.g., [50] with M/L > 100h0), and clusters of galaxies (e.g., [51]).



FIGURE 3. Left panel: M87 in optical and a X-ray map (right figure). Fabricant et al. (1980)[49]. Right panel: the Coma Cluter

FIGURE 4. Left panel: gravitational lensing in clusters. Scheme of image formation in strong, intermediate, and weak lensing
(from Kneib & Natarajan 2012[5]). Central panel: distorsion by weak lensing. Right panel: microlensing event.

Other evidences of DM evidence come from gravitational lensing, based on the bending of light-rays passing
through a gravitational field. The effect was firstly described by Newton (1704), calculated in Newtonian mechanics
by von Soldner (1801)[52] and in general relativity by Einstein (1915), whose value is twice the amount predicted by
von Soldner[52]. Gravitational lensing can be divided in three classes: strong lensing, weak lensing, and micro lensing.

In strong lensing photons are subject to a strong gravitational potential causing large deflection angles(see Fig.
4). Original light source may appear as a ring around the massive lensing object (Einstein Ring), or arc segments.
Multiple images of an object are visible. The effect was discussed for the first time by Chwolson (1924)[53] even if
it is commonly associated with Einstein (1936)[54], and was confirmed in 1979: "Twin QSO" SBS 0957+561, while
the first complete Einstein ring, designated B1938+666, was observed in 1998. Strong lensing of distant galaxy by a
cluster can be used to determine the cluster mass, while if several backround galaxies are lensed one can constraint
ΩΛ and Ωm[55].

In weak lensing (see Fig. 4), the deflection is through a small angle when the light ray can be treated as a straight



FIGURE 5. Left panel: the Bullet cluster (1E 0657-56) consists of two colliding cluster of galaxies. The smaller cluster that
traversed the larger cluster is on the right. X-ray images come from Chandra (red), and the DM (blue) is obtained through lensing.
Studies of the Bullet cluster, announced in August 2006, provide the best evidence to date for the existence of DM. The spatial
offset of total mass-baryonic mass peaks cannot be explained using modified gravity, at 8σ level. Right panel: Bullet cluster, mass
density contours, in green, obtained through weak lensing, superimposed over photograph got from HST. (From Clowe[6])

line and single images form. The effect was observed by Tyson et al. (1990)[56] (coherent alignment of the ellipticities
of the faint blue galaxies behind both Abell 1689 and CL 1409+52). Weak lensing has many applications. It can be
used, in galaxies by galaxies lensing to study galactic halos properties, while many clusters lenses can be used to get
Ωm (see the next section). As already reported in the introduction, combining weak lensing and X-ray observations,
one can use clusters collisions to get informations on the nature of DM. In the case of the Bullet Cluster (see Fig.
5), a small 7× 1013M� sub-cluster collided with a velocity of 4500± 1000 km/s (velocity indicated from X-ray
shock Mach number) with a 2× 1015M� cluster. The hot gas forming most of the clusters’ baryonic mass was
shocked and decelerated, whereas the galaxies in the clusters proceeded on ballistic trajectories. Gravitational lensing
shows that most of the total mass also moved ballistically, indicating that DM self-interactions are indeed weak. Non-
radial separation of dark matter and the (dominant) baryonic mass (in the gas) effectively rules out modifications of
Newtonian gravity as explanation of dark matter. Separation of dark matter and gas gives direct constraints on the DM-
DM cross-section (c.f. terrestrial experiments give only DM-B cross-section), which is of the order of σ/m< 0.7cm2/g
(Randal et al. (2008)[57]). The weak lensing of large scale structure (LSS), the so called Cosmic Shear (see the
following), detected for the first time in 2000 and of great importance as an evidence of DM existence and to put
constraints on Ωm[58].

Microlensing (see Fig. 4) happens if the mass of the lensing object is very small (e.g., planets, white or brown dwarf),
and one will merely observe a magnification of the brightness of the lensed object. Petrou (1981)[59] and Paczynski
(1986)[60] discussed the possible detection of DM in the form of compact objects, and the second one founded the
in 1992 OGLE microlensing experiment. EROS, MACHO, OGLE, MOA and SuperMACHO collaborations have
monitored millions of stars in the Magellanic Clouds (EROS-2 monitored over 6.7 years 33×106 stars) to search for
microlensing events caused by such objects. MACHO experiment (Alcock et al 1996) concluded that 20% of halo can
be due to MACHOs while according to EROS2+EROS1 the quantity is smaller (< 8%). Machos in the mass range
0.6×10−7 < M < 15M� are ruled out as the primary occupants of the Milky Way Halo (Tisserand et al. 2007[61]).

In the following, before discussing the Cosmic Shear, I summarize the formalism of gravitational lensing.
As well known photons trajectories are bended by gravitational fields. The photon path is a null geodesic, ds2 = 0.

Using the Schwarzschild solution

ds2 = c2(1+2Φ/c2)dt2− (1−2Φ/c2)dl2 dl2 = dx2 +dy2 +dz2 (10)

being c the velocity of light and Φ the gravitational potential of the mass, we get

dt = 1/c

√
1−2Φ/c2

(1+2Φ/c2)
dl ' 1/c(1−2Φ/c2)dl (11)



According to Fermat’s principle photons only follow optical paths with extrema propagation time. The paths are
those stationary with respect to a small variation δ t. Since

ct =
∫
(1−2Φ/c2)dl (12)

this equation corresponds to a light beam propagating in a trasperent medium with refraction index

n = (1−2Φ/c2) (13)

Applying Fermat’s principle, we can derive the value of the angle of deflection:

α =−2/c2
∫ 0

S
∆⊥Φdl (14)

This is the general expression of a deflection angle for thin lenses in the weak field limit. In general relativity the
deflection angle is given by (see Fig. 6, left panel, for notation)

α̂ =
4GM
c2 ξ

. (15)

The deflection angle can also be written as

~̂α(~ξ ) =
4G
c2

∫
d2

ξ
′
Σ(~ξ )

~ξ −~ξ ′

|~ξ −~ξ ′|2
(16)

where
Σ(~ξ )≡

∫
dzρ(ξ1,ξ2,z) (17)

is the surface mass density, namely the projected density on a plane orthogonal to the light ray.
The lens equation connecting the true position ~β of the source with the angular positions ~θ at which the observer

sees the source, is given by
~β = ~θ − Dds

Ds
~̂α(Dd~θ)≡ ~θ −~α(~θ) , (18)

In the case β = 0, using the lens equation Eq. (18), recalling Eq. (15) and using ~ξ = Dd~θ we get the angular radius of
the Einstein ring

θE = α
Dds

Ds
(19)

having mass

ME = θ
2
E

c2

4G
DdDs

Ds
(20)

Multiple images are allowed if the equation has more solutions. The possibility of formation of multiple images can
be quantified through the convergence

κ(~θ) =
Σ(Dd~θ)

Σcr
(21)

where Σcr is the critical surface mass density

Σcr =
c2

4πG
Ds

Dd Dds
, (22)

In the case κ ≥ 1 (. Σ≥ Σcr), the lens gives rise to multiple images. The deflection angle can also be expressed in terms
of the convergence term:

~α(~θ) =
1
π

∫
d2

θ
′
κ(~θ ′)

~θ −~θ ′

|~θ −~θ ′|2
. (23)



FIGURE 6. Top left panel: notation used in the gravitational lensing formalism. Top right panel: effect of convergence κ , and
shear on a circular source (solid green circle). Bottom left panel: connection among eccentricity and shear. Bottom right panel:
artistic representation of the cosmic shear. The picture shows the path of light around the DM of the LSS (large scale structure).

that can be written as the gradient of a two-dimensional potential ~α = ∇ψ , with ψ satisfying ∇2ψ(~θ) = 2κ(~θ).
Equation (23) implies that the deflection angle can be written as the gradient of the deflection potential,

ψ(~θ) =
1
π

∫
d2

θ
′
κ(~θ ′) ln |~θ −~θ ′| (24)

The effect of lensing is that of producing a distorsion of the images, namely a change of the size, connected to the
convergence term, and of the shape, connected to the shear term (see Fig. 6). Surface brightness is conserved2. The
Jacobian matrix describes the image distorsion in the linear regime

A (~θ) =
∂~β

∂~θ
=

(
δi j−

∂ 2ψ(~θ)

∂θi∂θ j

)
=

(
1−κ− γ1 −γ2
−γ2 1−κ + γ1

)
(25)

where γ ≡ γ1 + iγ2 = |γ|e2iϕ , are the components of the shear.

2 Surface brightness conservation is due to absence of absorption and emission processes, and Liouville’s theorem.



FIGURE 7. Left panel: Very weak lensing in the CHFTLS: Top-hat E-mode shear signals of the wide fields W1, W2, and W3,
up to 200’, 120’, 230’, respectively. Right panel: (1,2σ ) comparison of CFHTLS result (purple) from Fu et al. (2007)[67], with
WMAP3 (green contours). In orange the combined WMAP3 and CHFTLS contours. (From [67]).

The, lens transform circumferences in ellipses with semi-major axes:

a = 1/(1−κ− γ); b = 1/(1−κ + γ) (26)

and moreover produce a magnification of the image represented by

A−1 =
1

detA
=

1
(1−κ)2−|γ2|

(27)

which depends on both shear and k.
Ellipticity is defined as:

ε =
1−b/a
1+b/a

e2iφ
χ =

1− (b/a)2

1+(b/a)2 e2iφ
ε =

χ

1+(1−|χ2|)1/2) e2iφ (28)

and the reduced shear

|g|= |ε|= |γ|
1+(1−κ)

(29)

While, as already seen, the strong lensing regime is defined as κ ≤ 1, the weak lensing regime is characterized by
κ << 1, γ << 1, and g2 ' 0. In this regime

g' γ/(1−κ)' γ (30)

and
χ ' χ

S +2(g−χ
SR(gχ

∗)) (31)

Since one expects that sources orientation is isotropically distributed < χS >' 0 then < χ >' 2γ = 2g, and the
image ellipticity is an unbaiased estimate of shear.

Weak lensing can be used to determine the mass or density profile of a structure. Writing the shear as a tangential
part, γt , and curl γx

γ = γt + γx (32)

and using the fact that for a circularly symmetric lens the curl vanish and the tangential part is

< γt >≡
Σ(R)−Σ(R)

Σc(R)
(33)



FIGURE 8. Left panel: WMAP 7-year temperature (TT) power spectrum (adapted from Jarosik et al.[8]). The solid line is ΛCDM
best fit. Right panel: WMAP and COBE sky, snd summary of the WMAP seven-year cosmological parameters (from Jarosik et
al.[8]).

FIGURE 9. ΩΛ-ΩM constraints by combining CMB, BAO and SNe ([9])



FIGURE 10. SDSS DR5 power spectrum compared with previous determinations. Dashed line: best-fit model (CDM models)
over 0.01 < k < 0.06h/Mpc. Solid line: best-fit model over 0.01 < k < 0.15h/Mpc. (from Percival et al. (2007)[72]).

with the mean projected mass density interior to the radius R given by

Σ(R) = 2
∫ R

0
xΣ(x)dx =

M(R)
4πR2 (34)

and R = θDd . The DM distribution is obtained by fitting the observed shear with a chosen density profile with 2 free
parameters.

As seen, gravitational lensing acts as a coordinate transformation that distorts the images of background objects near
a foreground mass. The transformation can be split into two terms, the convergence and shear (tangential stretching). To
measure this tangential alignment, it is necessary to measure the ellipticities of the background galaxies and construct
a statistical estimate of their systematic alignment. The fundamental problem is that galaxies are not intrinsically
circular, so their measured ellipticity is a combination of their intrinsic ellipticity and the gravitational lensing shear.
Typically, the intrinsic ellipticity is much greater than the shear (by a factor of 3-300, depending on the foreground
mass). The measurements of many background galaxies must be combined to average down this "shape noise". The
orientation of intrinsic ellipticities of galaxies should be almost entirely random, so any systematic alignment between
multiple galaxies can generally be assumed to be caused by lensing. Another major challenge for weak lensing is the
correction for the point spread function (PSF) due to instrumental and atmospheric effects, which causes the observed
images to be smeared relative to the "true sky". This smearing tends to make small objects more round, destroying
some of the information about their true ellipticity The PSF typically adds a small level of ellipticity to objects in the
image, which is not at all random, and can in fact mimic a true lensing signal. Even for the most modern telescopes,
this effect is usually at least the same order of magnitude as the gravitational lensing shear, and is often much larger.

Gravitational lensing by large-scale structure (LSS) is termed Cosmic Shear (see Fig. 6, bottom right). It produces
observable pattern of alignments in background galaxies, but this distortion is only ' 0.1%−1% - much more subtle
than cluster or galaxy-galaxy lensing. The effect was observed for the firs time in 2000[62, 63, 64, 65], and started to
be used to put constraints to ΩM (see Fig. 7).

Of utmost importance in determining Ωm, ΩΛ have been the CMBR experiments whose value can be better
constrained combining CMBR data with data coming for example from SN Ia, which at high redshifts give information



on a combination of Ωm, ΩΛ, and baryonic acoustic oscillations (BAO).
The temperature anisotropies are expanded in spherical armonics Y`m(θ ,φ):

δT
T

(θ ,φ) =
+∞

∑
`=2

+`

∑
m=−`

a`mY`m(θ ,φ) (35)

C` is the variance of alm and can be expressed in the form

C` ≡< |a`m|2 >≡
1

2`+1

`

∑
m=−`

|a`m|2. (36)

In the hypothesys that fluctuations are Gaussian, the power spectrum, giving C` behavior, contains all needed
informations of the CMBR. Typical information that can be obtained from the CMBR (e.g., ΩB, ΩM , ΩΛ, etc), are
obtained fitting the observations through a cosmological model (e.g., the ΛCDM model) (see Fig. 8).

Measurements of the power spectrum out to multipole moments corresponding to l ' π/θ ' 1000 (see Fig. 8)
where l is the angular dimension of fluctuations (in rad), have made possible predictions of fundamental cosmological
parameters (see Jarosik et al. 2010[8].). From WMAP 7-year data alone, was obtained, among the others parameters,
Ωb = 0.0449±0.0028, Ωm = 0.222±0.026, ΩΛ = 0.734±0.029, H0 = 71.0±2.5 km/s (see Fig. 8), furtherly improved
when combining the CMBR data to BAO and SNIa (Jarosik[8]). 3 The results testify in favor of a flat Universe
dominated by DM and "dark energy", and a baryon density in agrement with the BBN production of D/H.

As previously reported, an improvement on ΩΛ and ΩM estimate can be obtained using data from SNIa. In 1998
observations of those kind of supernovae suggested that the universe expansion has been accelerating[74, 75] since
z' 0.5[76]. The deceleration parameter is connected to the combination of ΩΛ and ΩM (at a = 1) by:

−q = ΩΛ,0−Ωm,0/2 (37)

If ΩM is known from other measurements one can obtain ΩΛ, and the way round, by using the previous equation.
Combining CMB data with SNIa one obtains improvement on the cosmological parameters (see Fig. 9).

Always on large scale, comparison of the matter power spectrum obtained from different surveys (e.g., 2dF
galaxy GRS, Sloan Digital Sky Survey (SDSS)) with simulations gives values of Ωm in agreement with different
measurements. Percival et al. (2007)[72] found Ω = 0.22±0.04 over 0.01 < k < 0.15 h/Mpc (see Fig. 10).

Before concluding this section, I want to recall that on very large scales, it is possible to get an estimate of the density
parameter from the distribution of peculiar velocities of galaxies and clusters. On very large scales, λ , characterized by
linear density perturbation δ growth, peculiar velocity are given by v' δλHΩ0.6

m (Peebles 1980[77]). This tehcnique
used in the past by several authors gave values of Ωm in some case close to 1 (Dressler et al. 1987[73]; Dekel et al.
1993[78]), and in others more in agreement with recent results, 0.2-0.5 (Willick & Strauss 1998[79]).

DARK MATTER DISTRIBUTION

While we don’t know what the dark matter (DM) is, we have a reasonable idea of how much of it exists in different
structures , how it is distributed, and how fast it is moving. In the case of spiral galaxies this information comes from
the rotation curves, as previously reported.

Spiral galaxies

Spiral galaxies consist of several distinct components: a flat, rotating disc of (mainly young) stars and interstellar
matter, a central stellar bulge of mainly older stars, which resembles an elliptical galaxy, a near-spherical halo of stars,
including many globular clusters, and a supermassive black hole at the very center of the central bulge. The stellar
disc is exponential with surface brightness I(r) = I0e−r/RD , I0 being the central surface brightness and RD the scale

3 Other constraints can be obtained also using experiments on smaller scales than WMAP (e.g., ACBAR[68], and CBI[69], or from astronomical
measurements of the Lyman α forest (Croft et al.[70] or of the LSS power spectrum (2dFGRS, Percival[71]).



FIGURE 11. Two examples of spiral galaxies with truncated and non-truncated disks.

FIGURE 12. HI and H2 distribution in spirals. From Wong & Blitz 2002[80]

radius (' 3 kpc for the MW). For some spirals like NGC 300 (see Fig. 11) the exponential disk goes for at least
10 scalelengths, while in cases like M 33 (see Fig 11) the outer disc is truncated. A fundamntal component, for the
purpose of DM studies, is the gas component: HI having a flattish radial distribution and deficient in the centre; CO and
H2 roughly exponential distributed and having negligible mass (see Wong & Blitz 2002[80]) (see Fig. 12). A rotation
curve (RC) of a galaxy is defined "as the trace of velocities on a position velocity (PV) diagram along the major axis,
corrected for the angle between the line-of-sight and the galaxy disk" (Sofue & Rubin 2001[81]) (see Fig. 13). A RC
is obtained calculating the rotational velocity of a tracer (e.g. stars, gas) along the length of a galaxy by measuring the
doppler shifts, and then plotting this quantity versus their respective distance away from the centers

Tracing the intensity-weighted velocities

Vint =
∫

I(v)vdv/
∫

I(v)dv (38)

where I(v) is the intensity profile at a given radius as a function of the radial velocity, the rotation velocity is then
given by

Vrot = (Vint −Vsys)/sini (39)

where i is the inclination angle and Vsys the systemic velocity of the galaxy. Circular velocities can be obtained from
spectroscopy from the optical emission lines Hα or Na or that of neutral hydrogen (HI), or carbon monoxide (CO). in
order to get the distribution of DM in the galaxy one can use several tecniques. The first is the "fit technique".



FIGURE 13. Left panel: example of position velocity diagram. Right panel: correction line-of-sight, plane of the galaxy to get
the rotation curve.

One writes the rotatio velocity as:

V 2
tot =V 2

disk,∗+V 2
HI +V 2

halo +(V 2
bulge) (40)

where the stellar disc velocity, given by V 2
disk,∗ = (GMD/2RD)x2B(x/2) (where x = r/RD, and B = I0K0− I1K1 (I0,

I1, K0, K1 are Bessel’s functions) is obtained from I-band photometry, V 2
HI is obtained from radio observations of the

21 cm line of HI, V 2
halo is modeled starting from a theoretical density profile, and getting V 2. The most used profiles

are: the Navarro-Frenk-White (NFW) profile, the Einasto profile, the Burkert profile, or the pseudo-isothermal profile
(ISO). The quoted profiles are given by (see also Fig. 14)

ρ(r)NFW =
ρ0

(r/rs)(1+(r/rs))2 (41)

where ρ0 and the "scale radius", rs, are parameters which vary from halo to halo.

lnρ(r)Einasto/ρ−2 =
−2/α

(r/r−2)α −1)
(42)

where r−2 is defined as the radius at which
dlnρ

dlnr
=−2 (43)

ρ(r)Burkert =
ρ0

(1+ r/r0)(1+(r/r0)2)
(44)

where ρ0, r0, are the central density and radius.

ρ(r)ISO =
ρ0

(1+(r/rc)2)
(45)

Not taking into account the bulge, the model involving Eq. (40) contains three free parameters: disk mass, halo
central density and core radius (halo length-scale) (MD, r0, ρ0 (if one uses the Burkert model)), that can be obtained
by best fitting the data to the model.

Other two methods that can be used to get the distribution of DM are the maximum and minimum disk methods (see
Battaner & Florido 2000[37]; Simon et al. 2005[84]). The result of the quoted analysis shows that smaller galaxies are
denser and have a higher proportion of dark matter. The central density profile is usually well fitted by a Burkert or



FIGURE 14. Comparison of different density profiles: NFW, Burkert, ISO.

ISO profile (as shown in Fig. 15, 16) (e.g., Gentile et al. (2004)[283], Oh et al. 2010[85]) but as shown by de Blok et al.
2008[86], using the THINGS (HI survey of uniform and high quality data) galaxies, for galaxies having MB >−19 the
core dominate, and the ISO model fits significantly better than the NFW model, while if MB < −19 the NFW profile
or the ISO profile statistically fit equally well.

General results from several samples including THINGS, are that spirals are characterized by small non-circular
motions, no DM halo elongation, ISO halos often preferred over NFW with a central core of size ' 2RD. At larger
radii the profiles are compatible with NFW.

For sake of precision, I want to recall that for what concerns the core-like structure of spirals, Simon et al. (2003,
2005)[83, 84] showed that five low-mass spiral galaxies NGC2976, NGC 4605, NGC 5949, NGC 5963, and NGC
6689 have density profiles with inner slope α , spanning values from 0 to 1.2. The large differences in inner slope
could be explained in terms of the formation histories and environment role (Del Popolo 2012[87]).

Elliptical galaxies

Elliptical galaxies are characterized by an approximately ellipsoidal shape and a smooth, nearly featureless bright-
ness profile. Most elliptical galaxies are composed of older, low-mass stars, with a sparse interstellar medium and
minimal star formation activity, and they tend to be surrounded by large numbers of globular clusters. The surface
brightness of the stellar spheroid follows a Sersic (de Vaucouleurs) law

I(R) = Iee−bn [(R/Re)
1/n−1] (46)

that for n = 4 reduces to
lnI(R) = lnIe +7.669[1− (r/Re)

1/4] (47)

where Re is the effective radius, and n the Sersic index (connected to the light concentration). By deprojecting I(R),
we obtain the luminosity density j(r):

I(R) =
∫ +∞

−∞

j(r)dz = 2
∫ +∞

R

j(r)rdr√
r2−R2

(48)

Assuming radially constant stellar mass to light ratio, M/L, we can get the density of the stellar spheroid

ρsph(r) = (M/L)? j(r) (49)

The total mass of the galaxy is given by
M(r) = Msph +Mh(r) (50)



FIGURE 15. Mass models for the galaxy Eso 116-G12. Solid line: best fitting model; long-dashed line: DM halo; dotted: stellar
disc; dashed: gaseous disc. 1 kpc corresponds to 13.4 arcsec. Below: residuals: (Vobs−Vmodel). From Gentile et al. 2004[283]

being Mh the DM halo component. In order to determine the total, and DM mass, one has to measure I(r), and the
dispersion velocity along the line of sight (l.o.s.), σP, or more precisely the aperture velocity dispersion σA

4, given by:

σ
2
A(RA) =

2π

L(RA)

∫ RA

0
σ

2
PI(r)RdR (51)

where
L(R) = 2π

∫
I(r)RdR (52)

and

σ
2
P(R) =

2
I(R)

∫ +∞

R ρsph(r)σ2
r r√

r2−R2
dr (53)

4 When observed through an aperture of finite size, the projected velocity dispersion profile, σP, is weighted on the brightness profile I(R).



FIGURE 16. Comparison of seven THINGS dwarfs with NFW model. From Oh et al. 2010[85].

FIGURE 17. NGC 4374: jeans modelling of PN data with a stellar spheroid plus a NFW halo. NFW stands for (Navarro-Frenk-
White), β0 is the central value of β (r), and is used as a fitting parameter. AC stands for adiabatic contraction, and ML2005 stands
for Mamon & Lokas (2005)[92], and means that β (r) is chosen from that paper (from Napolitano et al. 2011[88])

and

σ
2
r (r) =

G
ρsph(r)

∫ +∞

R ρsph(r′)M(r′)
r′2

dr′ (54)

In order to model ellipticals to get the total and DM mass there are several methods, and in general the analysis
is more complex than spirals because ellipticals lack neutral gas (except for some ellipticals which has neutral gas
in the outermost regions (Battaner & Florido 2000[37])), and DM evidence in elliptical galaxies is less than in spiral
galaxies. The mass of the stellar spheroidal can be obtained as previously described, while the DM can be derived from:
1) virial theorem; 2) dispersion velocities of kinematical tracers (e.g., stars, Planetary Nebulas); 3) X-ray properties of
the emitting hot gas; 4) combining weak and strong lensing data.



FIGURE 18. Comparison of observations (symbols) with simulations of spiral galaxies collisions (red curve). The green curves
were predictions of Romanowsky et al. (2003)[89], without and with dark matter. The simulations are binary mergers of spirals made
of disk, bulge, gas, and DM halo. The red curve is the mean line-of-sight velocity dispersion profile for the elliptical galaxy remnant,
averaged over 10 simulations with different orbital parameters. The hashed region shows the dispersion over the 10 simulations.
The galaxies are marked green (821), violet (3379), brown (4494) and blue (4697) with 1s errors; PNs (circles) and stars (crosses).
The plot indicates that one can have strongly decreasing line-of-sight velocity dispersion profiles despite the presence of dark matter
(From Dekel et al. 2005[90]).

The virial theorem has been applied by Zwicky to Coma cluster, as already discussed. Defining the virial of Clausius

G = ∑
i

piri (55)

that is, the sum over all the particles of the dot product of each particle’s momentum with its position. Taking the
derivative one gets:

dG
dT

= ∑
i

Firi +2T (56)

where Fi is the total force exerted on the i-th particle. Computing the time average (for a steady state)

< T >=−<V > /2 (57)

where <T> is the time average of the total kinetic energy, and <V> is the time average of the total potential energy.
For a spherical, steady-state, elliptical galaxy, the virial theorem reduces to

M ' 2R/σ
2 (58)

that allows to calculate the approximate mass of the galaxy once the velocity dispersion is known.
Concerning the second method, we know that in ellipticals gravity is balanced by pressure gradients, and one can

use Jeans Equations to try to determine the DM content

1
ρ

d(ρσ2
r )

dr
+2

βσ2
r

r
=−dφ

dr
(59)

where ρ(r) is the stellar density, β = 1− σ2
θ

σ2
r

, the velocity dispersion anisotropy, and φ the gravitational potential.



Using the quoted method and Eq. (59) to infer DM content in the galaxy one encounters couple of complications.
Firstly, the so called mass/anisotropy degeneracy. For a given ρ(r), and σr(r), two unknown remains in Eq. (59): M(r),
and β (r) and one cannot solve Jeans equation for both, unless one assumes no rotation and makes use of the 4-th order
moment (kurtosis) of the velocity distribution (Lokas & Mamon 2003[91]).

The degeneracy can be broken in different ways. One can adopt a σr depending on some parameters:

σr(r) = σ0

[
1+
(

r
r+ r0

)η]−1

, (60)

where σ0,r0,η are the quoted parameters (Napolitano et al. 2011[88]), and also assume a given β (r). After projecting
σr and σθ along the l.o.s., one gets a best fit of the three parameters in Eq. (60) to the observed dispersion profile.
Then Eq. (60) can be inserted in the Jeans equation

M(r) =−σ2
r r
G

(
d lnρ∗
d lnr

+
d lnσ2

r

d lnr
+2β

)
, (61)

where ρ∗(r) is the spatial density of the tracers (stars, planetary nebulas (PNe).
Another way is that of choosing a density profile (e.g., NFW) and then exploring a multi-dimensional parameter

space, constituted by β and the parameters of the density profile (see Napolitano et al. 2011[88]). In Fig. 17, are
displayed the results of such aan analysis.

A second difficulty in inferring the presence of dark matter halos in ellipticals is connected to the fact that the
velocity dispersions of the usual kinematical tracer, stars, can only be measured out to 2Re. One can solve this problem
using other tracers (e.g., planetary nebulas (PNe)).

The quoted Jeans analysis has nowdays shown that there exist big DM halos around Ellipticals, however, when it was
used initially by Romanowsky et al. (2003)[89], they concluded that there was a dearth of DM in ellipticals, since the
strong decrease in the velocity dispersion was interpreted by them as sign of lack of DM. Dekel et al. (2005)[90] (see
Fig. 18) considered binary mergers of spirals and obtained again a decreasing velocity dispersion, even if the merging
systems contained DM. The inconsistency between kinematical and dynamical models is produced by projection
effects and stellar orbits very radial.

Mamon & Lokas (2005)[92] considered a superposition of Sersic models for the stellar mass component of elliptical
galaxies with hot gas (from X rays) and a central black hole (from the Magorrian relation), plus Dark Matter models:
NFW, Jing & Suto, and Einasto. No adiabatic contraction was considered. Their result indicates that while dark matter
dominates outside of a few Re, the stellar component dominates inside Re. Therefore, it is difficult to measure the
amount of dark matter in the inner regions of ellipticals.

We previously mentioned two other techniques to study DM in ellipticals: X-ray emission from hot gas, and lensing.
Concerning the first technique we discussed how it works in Sec. 1 (Dark matter evidences). Nagino & Matsushita
(2009)[93] (see Fig. 19) derived the mass profiles of 22 ellipticals that were observed through Chandra and XMM-
Newton. They concluded that DM is a common feature of ellipticals and that in the inner parts of the galaxies (r≤ 3Re)
DM mass content is smaller to the stellar mass, somehow in agreement with Mamon & Lokas (2005)[92] results.

Gavazzi et al. (2007)[94] (see Fig. 20) combined weak and strong lensing to study 22 massive SLACS galaxies
modeled as a sum of stellar component (de Vaucoulers), and a DM halo (NFW). They found that the total density
profile is close to isothermal over ' 2 decades in radius. The uncertainties in the density profile are larger at r > 10
kpc and much smaller at r < 10 kpc because of strong lensing data in the inner part of the profile. The transition
between star and DM-dominated mass profile occurs close to the mean effective radius.

Concerning lensing, Mandelbaum et al. (2009)[95] (see Fig. 21) considered 3× 107 sources (SDSS galaxies) and
170 000 lenses (isolated galaxies), and measured the shear around galaxies of different luminosities out to 500 - 1000
kpc reaching out the virial radius. Both NFW and Burkert halo profiles agree with data. However, using the Jeans
analysis or even lensing, usually a NFW model fits well the density profile of ellipticals.

Koopmans et al. (2006)[96] (see Fig. 22) combined stellar-dynamical analysis and gravitational lensing of a
subsample of 15 massive field early-type galaxies from SLACS Survey. The inner mass density profiles of the galaxies
are homogeneous and the total density profile is isothermal, ρ ∝ r−2. The total mass inside Re is mostly accounted by
the stellar spheroid

In summary, elliptical galaxies are characterized by a small amount of DM inside Re, by a mass profile compatible
with the NFW and in rare cases with Burkert profile. DM is traced out to Rvir.



FIGURE 19. Summary of M/L ratio of 19 of the 22 galaxies (only two groups) studied by Nagino & Matsushita (2009)[93] with
XMM-Newton and Chandra observations. The figure shows that DM is important only at r > re

FIGURE 20. Shear and three-dimensional density profile of 22 massive SLACS galaxies modeled as a sum of stellar component
(de Vaucoulers), and a DM halo (NFW). From Gavazzi et al. 2007[94].



FIGURE 21. Mandelbaum et al. (2009) measured the shear around galaxies of different luminosities out to 500 - 1000 kpc
reaching out the virial radius, although with a not negligible observational uncertainty. The result, in the limits of the uncertainties,
is that both NFW and Burkert halo profiles agree with data.

FIGURE 22. Joint gravitational lensing and stellar-dynamical analysis of a subsample of 15 massive field early-type galaxies
from SLACS Survey. The logarithmic slope γ of the profiles is compatible with -2. From Koopmans et al. 2006[96]

Dwarf spheroidals

Dwarf spheroidals (dSphs) are small galaxies, with Mtot ' 107M�, low luminosity, L = 2× 103 − 107L�, high
central dispersion velocity σ0 ' 7− 12 km/s, and r0 ' 130− 500 pc. They are gas deficient with often old stellar
population, and apparently in equilibrium. dSphs have an high M/L, ranging from 10 to several hundreds, meaning
that if they are really in equilibrium, they are DM dominated (but see Kroupa[97, 98]). Mateo (1998)[247] found an
empirical relation connecting the mass-to-light ratio and the total luminosity

M/L = 2.5+[107/(L/L�)] (62)

implying for the Boötes dSph even M/L ' 610 (see also Mũnoz et al. (2006)[106]. After the discovery of ultra-faint
MW satellites[99, 100, 101, 102, 103, 104] the range of dSph structural parameters has been extended of 3 orders of
magnitudes in luminosity and 1 in radius.

The high content of DM is deduced from their high velocity dispersion. Aaronson (1983)[105] measured the velocity
dispersion of Draco based on observations of 3 carbon stars, and obtained a value of M/L ' 30. Mateo (1997)[107]
obtained the first dispersion profile of Fornax, Walker et al. (2007)[108] determined the velocity dispersion profiles
of Carina, Draco, Fornax, Leo I, Leo II, Sculptor, and Sextans (see Fig. 23), and Walker et al. (2009)[109] fitted the
previous velocity dispersion (and that of Ursa Minor, too) with different profiles (see Fig. 23). Dispersion velocity



FIGURE 23. Left panel: dSphs density profiles. The plot shows that the profiles remain flat to large radii (from Walker et al. 2007
[108]). Right panel: Disperion velocities of dSphs fitted with different mass models, as shown inside the figure. Cored and cusped
halos with orbit anisotropy fit dispersion profiles equally well (from Walker et al. 2009[109]).

FIGURE 24. Density profile of the indicated dSPhs obtained Jeans analysis (from Gilmore et al. 2007)[110].



FIGURE 25. Top Left: Chandra ACIS image of Abell 2029. Top Right: Radial gas density profile of Abell 2029 (large circles)
fit to several standard parameterizations. Bottom Left: The radial temperature profile of Abell 2029, again fit to a standard
paramaterization to facilitate the hydrostatic equilibrium analysis. Bottom Right: Total enclosed cluster mass profile. The open
circles are the data points and the lines are fits to the data, with the NFW profile being a very good fit. The upside down triangles
show the contribution from the cluster gas mass. The bright yellow band shows the possible contribution from the cluster BCG,
(From Lewis et al. (2002, 2003)[113, 114]).

profiles remain generally flat to large radius. Cored and cusped halos with orbit anisotropy fit dispersion profiles
equally well. Using a Jeans analysis, Gilmore et al. (2007)[110] found a cored DM profile for Ursa Minor, Draco, Leo
I, Leo II, Carina, and Sextans (see Fig. 24). At a similar result arrived Kleyna et al. (2003)[111] in the case of Ursa
Minor. This galaxy would survive for less than 1 Gyr if the DM core was cusped, and similarly Magorrian (2003)[112]
found a inner slope α = 0.55+0.37

−0.33 for the Draco dSph.
Summarizing, dSphs are DM dominated at any radius, and have a density profile consistent with Burkert’s profile.

Clusters of galaxies

Galaxy groups and clusters are the largest known gravitationally bound objects in the universe. They are typically a
few Mpcs across, may contain 100-1000 galaxies according to their richness class, with masses reaching 1015M�, and



FIGURE 26. Density profiles of obtained combining lensing and velocity dispersion. Luminous and DM matter are disentangled,
and the total mass is also shown (from Sand et al. 2004)[115]).

the distribution of galaxies falls as r1/4 (like surface brightness of elliptical galaxies). X-ray studies have revealed the
presence of large amounts of intergalactic (intracluster medium). This gas is very hot, between 107 K and 108 K, and
hence emits X-rays in the form of bremsstrahlung and atomic line emission. The total mass of the gas is greater than
that of the galaxies by roughly a factor of two. However, as already reported this is still not enough mass to keep the
galaxies in the cluster. In a typical cluster perhaps only 5% of the total mass is in the form of galaxies, maybe 10% in
the form of hot X-ray emitting gas and the remainder is dark matter.

The methods used to study the DM in clusters are similar to those used for elliptical galaxies. The Jeans analysis is
based on Eq. (59) and assuming

β (r) = r2/(r2 + r2
a) (63)

and using the Opsikov-Merritt (Osipkov 1979[116]; Merritt 1985a,b[117]) parameterization of anisotropy one gets the
projected velocity dispersion

σ
2
P(R) =

2
(M/L)I(R)

∫ +∞

R [1−R2/(r2
a + r′2)]ρ(r′)σ2

r (r
′)r′√

r′2−R2
dr′ (64)

which furnish the aperture velocity dispersion σA, as previously described, which can be compared to observations.
The other method is based on the X-Ray emission of ICM, and again is similar to the analysis discussed for

ellipticals (see Fig. 25). This technique has several limits. Using X-ray data alone it is complicated to constraint the



FIGURE 27. Density profiles of A611 obtained combining strong, weak lensing and velocity dispersion. Baryonic components
(stars, gars) are disentangled from DM. The DM profile is fitted with a NFW model (grey) and generalized NFW (gNFW) model
(from Newman et al. 2009[118]).

mass distribution, especially in the central part of clusters, where cooling flows can disturbe X-ray emission, and the
same hydrostatic equilibrium condition is no longer verified (Arabadjis, Bautz & Arabadjis 2004[120]). The presence
of the BCG (brightest cluster galaxy) is difficult to take into account, and at r < 50 kpc substructure or instrumental
resolution put limits to the temperature determination (Schmidt & Allen 2007[121]). Finally, the technique measures
the total mass, and to disentangle DM from luminous matter one needs another mass tracer. This last problem of X-ray
observations is common to another technique used to study cluster mass distribution, namely gravitational lensing.
Weak lensing are more suitable to reconstruct the mass distribution in the outer parts of clusters (till 100 kpc) while
strong lensing in the inner parts, with limits at 10-20 kpc (Gavazzi 2005[122]; Limousin et al. 2008[123]). A pro of
lensing is that mass measurement is insensitive to the dynamical state of the cluster.

Both gravitational lensing and X-ray analyses agree in the conclusion that clusters of galaxies contain a large
quantity of DM, but give conflicting results concerning especially the inner part of the density profile. For example,
some clusters, studied through lensing, have cuspy inner profiles in agreement with N-body simulations (Dahle et al
2003[124]; Gavazzi et al. 2003[125]; Donnaruma et al. 2011[126]), but others have much shallower slopes (Sand et al.
2002[323]; Sand et al. 2004[115]; Newman et al. 2009, 2011, 2012[118, 128, 119]) (see Figs. 26, 27, 28) several times
in agreement with core-like profiles. The conflicting results are due to different reasons (see Del Popolob 2012b[129])
but for what concernes the clusters studied in Sand’s papers and in those of Newman (see Figs. 26, 27, 28), the main
reason for the difference is due to the fact that the authors use a combination of different techniques (weak lensing
in the outskirts of the clusters, strong lensing in inner regions, till 20 kpc, and stellar kinematics in the inner region
where the BCG is localized). The authors show that using only lensing the inner profile would be different. Another
interesting feature shown in Sand’s and Newman’s papers is the dominance of baryons over DM in the inner part
of the clusters. This could explain the discrepancy with N-body simulations always getting cuspy profiles. N-body
simulations are not taking into account baryons, and expecting that a profile obtained using only DM (simulations)
agrees with real clusters even in the part where baryons are dominant is at least weird (bizzare).

Also X-ray analyses have led to wide ranging of the value of the inner slope, from -0.6 (Ettori et al. 2002[130])
to -1.2 (Lewis et al. 2003) till -1.9 (Arabadjis et al. 2002[131]). However, Schmidt & Allen (2007)[121], using 34
Chandra clusters concludes that they are in agreement with the NFW profile.

We may conclude this section telling that DM is present from dwarf galaxies scales to large scales. dSphs are
DM dominated with M/L ' 100. Normal spirals have M/L an order of magnitude smaller than dSph, and elliptical
galaxies have variable content of DM: some as M87 have a very high value of M/L, but some could even not contain
DM (Battaner & Florido 2000[37]). Inside Re baryons are dominating. Clusters have high values of M/L > 100 but in



FIGURE 28. Left Panel: Density profiles of different clusters obtained combining strong, weak lensing and velocity dispersion.
Baryonic components are disentangled from DM. The DM profile is fitted with two different NFW models. Right panel: comparison
of the slopes of the inner profiles obtained through simulations (grey) and from observations (from Newman et al. 2012)[119]).

the central 10 kpc are dominated by baryons.

THE NATURE OF DARK MATTER

Till now we discussed the historical evidences for DM, and its distribution in structures. The main question is: What
is DM? The attempts to answer this question have a long history. We are not certain on the nature of DM, but most
probably it is made of particles. At the same time we can estimate the total baryonic matter of the universe by studying
Big Bang nucleosynthesis. This is done by connecting the observed He/H ratio of the Universe today to the amount of
baryonic matter present during the early hot phase when most of the helium was produced. Big Bang Nucleosynthesis
(BBN) (deuterium abundance) (see Fig. 29) and cosmic microwave background (e.g., WMAP) together with BAO
(Baryonic Acoustic Oscillations) and supernovae measure a baryon contribution ΩB = 0.0456± 0.0016, and a DM
contribution of ΩM = 0.227±0.014. The previous result shows that baryons are too few to explain all DM. Moreover
baryons are unable to drive galaxy formation since decouple too late from photons, and gravitational instabilities have
not enough time to grow. The value of the baryonic density contrast, δρ is given by

δρ

ρ
≤ Aλ 2×10−3 (65)

where Aλ = 1−10 is a scale dependent growth factor. At the same time contribution to the density parameter coming
from visible matter is Ωlum ' 3×10−3 (Persic & Salucci 1992[132]) or 0.02 (Fukugita, Hogan & Peebles (1998)[133])



FIGURE 29. Elements abundance predicted by the standard big bang nucleosynthesis (BBN). The narrow vertical line represents
the CMB measure of the cosmic baryon density. Boxes represents the observed abundances of ligh elements.

FIGURE 30. DM candidates.



FIGURE 31. WIMPS density evolution with temperature, and final freez-out (from Feng 2010[134])

(including plasmas in groups and clusters). Since ΩB > Ωlum baryonic DM, even if it is not the principal component of
DM it has to exist (we already discussed the MACHO, EROS1, EROS2 limits). If baryonic DM is not the fundamental
component of DM the question is what is the main constituent of it? One of the first authors who had some ideas on
DM nature was Rees (1977)[135]. According to him DM could be of a "more exotic character" (e.g., small rest mass
neutrinos). In other words, DM could be made of particles.

In the last case, the main problem is to understand which kind of particles are suitable to make DM. A good DM
candidate must have the following characteristics:
1) it must be non-baryonic.
The reasons for this come from the BBN, CMBR limits already discussed, and from structure formation. As already
told, baryonic dark matter is unable, alone, to give rise to structures since they are coupled to baryons till the decoupling
epoch (380000 yrs after big bang) and from that time on there was not enough time for baryons to form structures.
2) Stable (protected by a conserved quantum number).
For obvious reasons.
3) No charge, and no colour (namely weakly interacting).
If DM is non electrically neutral it could scatter light and then it would not be dark. If it had colour it would be
endowed with strong interactions. In other terms DM must be weakly interacting.
4) The relic abundance must be compatible to observations, and cannot be hot (relativistic at decoupling).
If DM were relativistic at decoupling, Silk damping would erase the small scale power in the spectrum, while galaxy
two pint correlation function is indicating a large amount of power on small scale. As a consequence, at matter-
radiation equality epoch, particles must be non-relativistic.

Using the previous arguments and having a look in the standard model (SM) particles list, one concludes that we
need new particles. The list, or zoo of DM candidates (see Fig. 30), as it is often called, includes a large number
of particle species ranging from 10−6 eV (axions) to 1016 GeV (WIMPzillas): SM neutrinos (but see the following),
sterile neutrinos, axions, supersymmetric candidates (neutralinos, sneutrinos, gravitinos,axinos), candidates from the
Little Higgs model, light scalar DM, Kaluza Klein states, Wimpzillas (or superheavy DM), Qballs etc. In the following
discussion, I will concentrate the attention mainly on supersymmetric candidates, and Kaluza Klein states, and I will
just hint on the other candidates. However, before going on I would like to stress that we cannot be certain that DM
is made of a single particle species. We know that SM neutrinos constitute a part of DM, and this means that at least



we need two candidates particles for DM, and moreover in N=2 supersymmetry the coesistence of two stable DM
particles is allowed (C. Boehm, P. Fayet and J. Silk[136]).

Dark matter formation

As already stressed, we do not have certainties on how DM formed, however we know that relics of weakly
interacting massive particles (WIMPs) should be a byproduct of a hot phase in early universe[138, 139, 140]. Let
it X be a stable particle interacting with a SM particle Y according the process XX̄ ↔ YȲ . The number density, nX , of
a species X is described by the Boltzmann equation:

dnX

dt
+3HnX =−< σXX̄ |v|> (n2

X −n2
X ,eq), (66)

being < σXX̄ |v|> the product of σXX̄ (thermal averaged cross section), and the relative velocity, and H is the expansion
rate of the Universe. When the temperature, T , is very large, T �mX , the WIMPS density is given by the equilibrium
density

nX ,eq = gX

(
mX T
2π

)3/2

e−mX/T , (67)

where gX is the number of internal degrees of freedom of X . When T � mX the equilibrium density is small, and
decreases further because of the terms < σXX̄ |v| > n2

X and 3HnX . When nX is small the dilution due to Hubble
expansion becomes much more important than the annihilation term and the comoving number density of particles
remains fixed (freeze-out) (see Fig. 31).

In other terms, at temperatures higher than mX , creation and annihilation processes had the same efficience, and
X density was large. With time the Universe expands and its temperature decreases to values smaller than mX .
The annihilation process continues but the creation one is (exponentially) suppressed. In order the particles are not
destroyed, it is necessary that some effect stops the annihilation. This is furnished by the Universe expansion which
produces a dilution of the species density and as a consequence particles stops to interact with each other surviving up
to the present.

Numerically solving the boltzman equation is possible to obtain the relics density

ΩX h2 ≈ 0.1
(

xFO

20

)(
g?
80

)−1/2( a+3b/xFO

3×10−26cm3/s

)−1

. (68)

where g? is the number of external degrees of freedom, MP is the Planck mass, a and b are two terms in the (non-
relativistic) expansion, < σXX̄ |v|>= a+b < v2 >+O(v4), and the freeze-out temperature is given by

xFO ≡
mX

TFO
≈ ln

[
c(c+2)

√
45
8

gX

2π3
mX MPl(a+6b/xFO)

g1/2
? x1/2

FO

]
. (69)

where T ≡ mx/x, and c' 0.5.
The previous calculation is no longer correct if are present one or more particles sharing a quantum number with

the relic particle and also having a mass similar to the relic particle[142] (see [143] for a treatment of this issue).
An important issue, is that for a particle with a GeV-TeV mass, with an annihilation cross section of < σv >' pb

one obtain a thermal abundance equal to the observed dark matter density. At the same time, we know that generic
weak interaction yields: < σv >' α2(100GeV )−2 ' 3×10−26cm3/s' pb

It is not clear if this occurrence dubbed the "WIMP miracle" is a numerical coincidence or an indication that dark
matter originates from electro-weak (EW) physics. However, it is often used to conclude that DM probably consists of
particles with interactions and masses in the weak-scale.

Dark matter candidates

Neutrinos

Neutrinos has been considered for a long time candidates for DM[145]. Light neutrinos with masses m < 30 eV
are an example of Hot Dark Matter (HDM). They are relativistic at decoupling, erase density perturbation through



FIGURE 32. Relic density of Dirac neutrinos (From K. Kainulainen and K. A. Olive[137])

free-streaming. Light neutrinos are ruled out as main component of DM because they give rise to very large structures
that later in a top-down process of fragmentation gives rise to smaller scale structures like galaxies. In this scenario,
galaxies form late at z≤ 1 in contraddiction with observations.

In SM no right-handed states are possible and this brings to the consequence that neutrinos cannot have mass, unless
one adds the quoted right-hand state, resulting in the generation of a Dirac mass for neutrinos. Adding a further term
(see Olive 2003[144]) a Majorana mass can also be generated.

The calculation of the neutrinos relic abundance is different for neutrinos with mass, mν , larger than 1 MeV
and smaller that the quoted value (which is the temperature at which decoupling happens) (see Fig. 32). Neutrino
with mass > 1 MeV annihilate before decoupling, while this does not happen for neutrinos with masses < 1 MeV.
For neutrinos with mν < 1 MeV the condition that the universe have an age > 12 Gyr leads to the constraint
Ωh2 = Σmν/91.5eV ≤ 0.3 which in terms of total mass reads mtot ≤ 28 eV for Majorana neutrinos and mtot ≤ 14 eV
for Dirac neutrinos. HST key project data SIa, BBN[146] brings to mtot ≤ 0.3 eV. Concerning neutrinos with mν > 1
Mev, we have that Ων h2 ∝ 1/(<σannv)'m2

ν , that combined with the constraint Ωh2≤ 0.3 leads to a lower limit to mν ,
namely mν ≥ 3−7 GeV, according to the the Dirac or Majorana nature of the neutrino. LEP constraints on neutrinos
flavours Nν = 2.9841± 0.0083 excludes mν ≤ 45 GeV implying Ωh2 ≤ 0.001 for masses 45 GeV< mν < 100 TeV.
Dirac neutrinos with 10 GeV <mν < 4.7 TeV are excluded by Lab constraints[147, 148, 149]. Majorana neutrinos have
Ωh2 ≤ 0.001 for mν > 45 GeV, and then they are not interesting from the cosmological point of view. Neutrino mixing,
LEP limit on neutrino species light weakly interacting neutrinos leads to 0.05 eV < mtot < 8.4 eV. Experimental and
observational data leads to conclude that weakly interacting neutrinos have 0.0005 < Ων h2 < 0.09.

Axions

Experiments show no CP violation in the QCD sector but natural terms in QCD Lagrangian

LQCD = LPERT +Θg2/(32π
2)Gaµν G̃aµν (70)

(where LPERT is the remaining part of the Lagrangian, Gaµν is the gluon field strength tensor, and g the coupling
constant) are able to break the CP simmetry (e.g., a nonzero choice of the Θ angle). This induces a large electric
dipole moment for the neutron, dnQCD ' 10−15 e cm, while observations give dndata ' 10−26 e cm. This question
constitutes what is known as the strong CP problem. Promoting Θ to a dynamical variable, and postulating a
spontaneously broken global U(1)PQ symmetry (at a scale fA), the theta-term is effectively driven to zero, solving
the problem[150, 151]. The associated pseudo-Nambu Goldstone boson is the axion, having a mass MA ' 0.62 eV
107GeV/ fA. The value of the relic density depends on the assumption made on the way it is produced. Axions are
characterized by extremely weak interactions, and are non-thermal relics. Stellar cooling, SN 1987A data, microwave



cavity experiments, polarization experiments, constraints axion mass as mA < 0.01 eV. An anomalous signal was
reported by the Italian collaboration PVLAS (Polarizzazione del Vuoto con LASer), and was interpreted as a possible
hint of its existence (Zavattini[152, 153]). However, Robilliardet al. (2007)[154] showed with a 94% confidence level
that the results of[152] were incorrect. Zavattini et al. (2006)[155] concluded after performing an experiment with
higher accuracy, that the axion interpretation of the anomalous signal was ruled out.

Sterile neutrinos

This kind of hypothetical particle was somehow discussed in the section dealing with neutrinos, and proposed by
Dodelson and Widrow (1993)[156]. It is a light right-handed neutrino that do not interact via any of the fundamental
interactions of the SM, apart from mixing, and except gravity. Limits on the particle mass come from WMAP result
relative to reionization. They imply that DM structures were already formed at z > 20. This result is contraddicted if
the mass of the particle is smaller than ' 10 keV[157, 158].

Dark matter from Little Higgs models

As we will see in the next sections, one of the problems of the SM, namely the "hierarchy problem" can be solved
introducing supersimmetry. In the "little Higgs" models[159, 160, 161, 162] the Higgs boson of the SM is a pseudo-
Goldstone boson, arising from some global symmetry breaking at a ' 10 TeV energy scale. The "hierarchy problem"
is solved in these models by a spontaneous breaking of such approximate global symmetries to stabilize the mass of
the Higgs boson(s), responsible for electroweak symmetry breaking. In some of the little Higgs models a stable scalar
particle exist with the correct observed DM density[163].

Light scalar dark matter

Lee & Weinberg (1977)[164] showed that in the case of DM with fermi interactions cannot have a mass smaller
than a few GeV. This limit can be avoided if DM has other characteristics. Boehm, Ennsslin, & Silk (2002)[165] , and
Boehm & Fayet (2002)[166] proposed scalar candidates in the mass range 1-100 MeV. This candidate could explain the
511 keV line observed by INTEGRAL from the galactic bulge generated through WIMPS annihilation into positrons,
which would produce by a subsequent annihilation the line observed in gamma-rays[167] (see the section on detection
of DM).

Superheavy dark matter

Superheavy dark matter candidates, generically called "Wimpzillas"[168, 215], are candidates with mass > 1010

GeV. These candidates during freez-out were not in thermal-equlibrium, and their relic abundance depends from their
production cross section, not by their annihilation cross section. These particle could be gravitationally produced
at the end of inflation[170]. A motivation to wimpzillas is connected to cosmic rays observed at energy above the
GZK (Greisen-Zatsepin-Kuzmin) cut-off (' 5× 1019 eV). The GZK limit is a theoretical upper limit on the energy
of cosmic rays (CR) coming from "distant" sources. The limit is set by slowing-interactions of cosmic ray protons
with the microwave background radiation over long distances (' 50 Mpcs). The quoted Ultra-GZK Cosmic Rays
could be produced through annihilation or decay of superheavy dark matter particles (e.g., P. Blasi, R. Dick and E. W.
Kolb[171]).

Supersimmetric dark matter

There are severeal reasons to consider supersymmetry one of the most insteresting extensions of the SM. Weakscale
supersymmetry furnish a solution to the hierarchy problem, linked to the huge difference between electroweak and
Planck energy scales[172, 173, 174, 175], enables gauge-coupling unification[176] and also furnish a stable dark
matter candidate[178].



Concerning the hierarchy problem, SM predict very precisely the results of experiments, and this high precision
requires calculations of higher orders. The mass of each particle is constituted by their "bare" mass and radiative
corrections. Fermion mass corrections increase logarithmically, while scalars mass increase quadratically (with cor-
rections at 1-loop). The mass of the Higgs boson similarly to other scalars mass can be written as:

M2
H = M2

H,bare +δM2
H = M2

H,bare +λ
2
f /(8π

2)Λ2 (71)

being Λ a high-energy cut-off, which is the scale at which effects of the "new physics" have a role. If for example
Λ ' MP ' 1019 GeV, the Higgs mass would be huge, while it is expected to be of the order of the electroweak
scale MW ' 100 GeV. This will ruin the electroweak scale stability. The problem can be solved introducing a
"supersymmetry"

Q|boson >= | f ermion >;Q| f ermion >= |boson > (72)

changing fermions into bosons and vice versa. In simple words, supersymmetry is an extension that creates ’super-
partners’ for all SM particles: squarks, gluinos, sleptons, higgsinos, etc, are superpartners of quarks, gluons, leptons,
higgs boson, etc.

Assuming that new particles with spin different by one half and similar mass exist, the correction to the Higgs mass
is

δM2 '
λ 2

f

8π2 (Λ
2 +m2

B)−
λ 2

f

8π2 (Λ
2 +m2

F)'
λ 2

f

8π2 (m
2
B−m2

F) (73)

since |m2
B−m2

F |< 1 TeV, the Higgs mass divergence is cancelled.
Before going on, I would like to enter a bit more in detail on the "hierarchy poblem" and the quadratic divergences.

A new point of view[? ] is that there are two different hierarchy problems: 1) Why is the EW scale so small compared
to the cut-off scale? This is connected to quadratic divergence. 2) Why is the EW scale so small compared to the
GUT scale (if exists). This is connected to logarithmic divergence. From the Wilsonian RG point of view, one can
give arguments that quadratic divergence is not generated by radiative corrections and it is not the real issue of
hierarchy problem, so that we need to take care of only logarithmic divergences. This broadens the possibilities of
model constructions beyond SM[? ].

As already told, the second reason for which SUSY is interesting, is that with its introduction at TeV scale the three
gauge interactions of the SM, which define the electromagnetic, weak, and strong interactions, are merged at a scale
MU ' 2× 1016 GeV, into one single interaction characterized by one larger gauge symmetry and thus one unified
coupling constant.

The third important reason that makes SUSY interesting is that it furnish a stable dark matter candidate. Incorporat-
ing supersymmetry into the SM requires doubling the number of particles and with the addition of new particles, there
are many possible new interactions. The simplest possible supersymmetric model consistent with the Standard Model
is the Minimal Supersymmetric Standard Model (MSSM) which can include the necessary additional new particles
that are able to be superpartners of those in the SM. The absence of interactions producing rapid proton decay led to
assume the conservation of R-parity in the MSSM:

R = (−1)2s+3B+L (74)

where s is the spin, B the baryon number, and L the lepton number. R = +1 for all SM particles and R = −1 for all
superpartners. The conservation of the quoted R-parity requires creation and destruction of superpartners in pairs, and
as a consequence exists at least one SUSY particle, the lightest SUSY particle (LSP), that is stable[179]. The identity
of the LSP depends from the details SUSY is broken.

MSSM, despite its name, contains over a hundred (more precisely 124) new parameters. In order to simplyfy the
model is assumed that all gauginos (superpartner of a gauge field) masses receive the same mass, m1/2. Another
assumption is that scalar masses have a common value m0 at the GUT scale. In order to obtain the gauginos mass
and scalar masses at the EW scale one uses a set of Renormalization Group Equations (RGEs). For what concernes
the Higgs sector, in the MSSM we have µ (Higgs mixing mass parameter), two Higgs doublets, which are two vevs
(vacuum expaction values), namely the ratio of the two vevs, tanβ = v1/v2 and another related to the mass of the Z
boson.

Then, a further simplification can be obtained if the supersymmetry breaking Higgs soft masses are unified at
GUT scale, and have mass m0. With these assumptions, we obtain the so called CMSSM (constrained MSSM)
model characterized by the parameters: m1/2 (gauginos mass); m0 (scalars mass); A0 (soft breaking trilinear coupling
constant); tanβ = v1/v2; sign(µ) (signum of the Higgsino mass parameter). Setting the values of these limited



FIGURE 33. RG evolution of the mass parameters in the CMSSM (from Olive 2003)[144]).

number of parameters, all of the masses of the supersymmetric particles at the weak scale can be determined
through RG evolution of the mass parameters (see Fig. 33). Another simplified model, focusing on of supersymmetric
phenomenology is the so called phenomenological MSSM (pMSSM (see [143]).

The only electrically neutral and colorless superparnters in MSSM are the four neutralinos, three sneutrinos, and
the gravitino. Each one of the four neutralinos is a linear combination of the neutral fermions[180, 181], namely the
superpartner of the 3-rd component of the SU(2)L gauge boson (named wino, W̃ 3), the superpartner of of the U(1)Y
gauge field corresponding to weak hypercharge (named the bino, B̃), and the neutral Higgsinos, H̃1, and H̃2. The
lightest of the four states is referred to as neutralino:

χ0 = N11B̃+N12W̃ 3 +N13H̃1 +N14H̃2 (75)

|N11|2 + |N12|2 is the gaugino fraction and |N13|2 + |N14|2 the higgsino fraction of the lightest neutralino. The Ni j are
the elements of the unitary matrix, N, that diagonalizes the neutralino mass matrix, Mχ0 , that allows to get the masses
and mixings of these four states:

Mχ0 = (76)

 M1 0 −mZ cosβ sinθW mZ sinβ sinθW
0 M2 mZ cosβ cosθW −mZ sinβ cosθW

−mZ cosβ sinθW mZ cosβ cosθW 0 −µ

mZ sinβ sinθW −mZ sinβ cosθW −µ 0+

 ,

in the B̃-W̃ 3-H̃1-H̃2 basis. In the matrix, θW is the Weinberg angle, and M1, and M2 the masses of the bino and wino.
The other parameters in the matrix have been described previously.

The neutralino is a thermal relic, a Majorana fermion, neutral and colorless with weak-type interactions, stable if
R-parity is conserved. As all Majorana fermions (or particles), it is a fermion that is its own antiparticle5.

5 Majorana particles were hypothesised by Ettore Majorana in 1937[183]. No elementary fermions are known to be their own antiparticle, though
the nature of the neutrino is not settled and it might be a Majorana fermion. In condensed matter physics, Majorana fermions exist as quasiparticle
excitations in superconductors and can be used to form Majorana bound states.



FIGURE 34. CMSSM space: representative region. Blue regions: neutralino density in agreement with DM abundance. Lower
right region: contains a τ̃ , and then disfavored. However, just outside of this region the slightly larger mass of τ̃ with respect to the
LSP (neutralino) gives rise to neutralino-τ̃ coannihilation. Upper left shaded region (focus point):disfavored by the LEP bound on
chargino (particle which refers to the mass eigenstates of a charged superpartner (i.e., any electrically charged fermion predicted
by SUSY)). The solid line with mh = 114 Gev is the LEP bound on light Higgs (nowadays known to be ' 125 GeV). Light shaded
region: region favored by muon’s magnetic moment. Lower right frame: A-funnel region, viable region along the CP-odd Higgs
resonance (mχ0 ' mA/2). The CSSM parameters A0 is set = 0 and µ > 0 (from Hooper 2009[141]).

Since they are Majorana fermions, neutralinos, should annihilate each other, when they get very close to other
neutralinos.

After neutralinos general annihilation cross-section is known6, the relic abundance is obtained solving the Boltz-
mann equation similarly to the case of massive neutrinos and given by[180, 181]:

Ωχ h2 ' 1.9×10−11(Tχ/Tγ)
3N1/2

f
GeV

ax f +1/2bx2
f

(77)

where f stands for freeze-out and a and b comes from the expansion σv = a+bx+ ...., and Tγ the photon temperature.
Since the relic abundance is larger than what expected from observations, over most of the supersymmetric

parameter space, it is necessary to consider only peculiar regions in which neutralino annihilation efficiency is high
(see Fig. 34).

Before concluding this section on SUSY DM, I want to add some comments on the results of LEP results of 2012.
Direct constraints from the LHC’s CMS and larger ATLAS detectors have not seen any sign of sparticles.They saw

6 Annihilation proceeds mainly through sfermion exchange, and the bino is the LSP in much of the parameter space of interest



only particles inside the SM. Mixed signals have also come from studies of the Higgs boson, which behaves just as
SM predicts with no sign of particles outside the SM influencing it. As I discussed before, SUSY predicts other Higgs
particles h, H, H±, and A (the MSSM Higgs bosons), not yet discovered. Another problem adds to the previous ones.
Physicists from the LHCb experiment, clocked a rare decaying process, namely the one from BS meson to a muon-
antimuon pair, which has a probability of 1 over ' 3×108 to happen[182]. This probability would increase to 1 over
' 3×106 with "a little help" of sparticles. However, the BS behaves as no sparticle exists, and this could be a further
damaging result for SUSY. In conclusion, SUSY has much less chance than before the experiments to be correct, in its
actual form or better in its CMSSM incarnation. The previous experiments on Higgs boson or the BS meson behavior,
gives indirect answer to SUSY existence, and contrarily to what one can think, these results (paradoxically) are more
significative than directly looking for superparticles without finding them. If sparticles existed, independently from
their mass, their effects should be visible (similar story of the unseen planets and stars discussed in the Introduction,
but whose effects made clear their existence). Another issue to add, is that one reason to introduce SUSY was that of
stabilizing the EW scale, but even in this there is disagreement about whether superheavy sparticles can offer enough
stabilization.

Scientists working in the area, are waiting for the experiments that will be performed, probably, in the early 2015,
when LHC will reopen and will operate at 13 TeV instead of the actual 8 TeV. The "upgraded" LHC would have
some more chances to "directly" detect sparticles. Unfortunately, a troubling possibility is that sparticles have masses
some TeVs larger than the energies the "upgraded" LHC can catch, or even too heavy to be measured in "terrestrial"
colliders. However, as I stressed before, in order to be sure of a particle existence, one does not necessarily need to
chase it directly, it should give signs of its existence indirectly, at least, before one tried to "see" it.

All the previous discussion, affects somehow "DM theory". Too heavy sparticles could also be not convincing
candidates for DM. We recall, however, that DM is not necessarily made of SUSY sparticles.

UED and KK dark matter

Even if our universe is characterized by three spatial dimensions and one time dimension, at higher scales other
dimensions could exist. In extra dimensions models, the usual (3+1) dimensions, called brane, are embedded in a
spacetime having 3+δ +1 spacetime, the so called bulk. SM fields are confined in the brane while gravity propagates
in the extra dimensions. In this kind of models, the hierarchy problem is solved in different ways. For example in
the Arkani-Hamed, Dimopoulos and Dvali[184] (ADD) scenario, the extra dimensions are compactified on different
topologies (e.g., circle) of scale R, with the effect of lowering the Planck scale energy close to the EW. Another way to
reach the same goal is to introduce extra dimensions with large curvature, like in the Randall and Sundrum[185] (RS)
scenario. Compactification of extra dimensions gives rise to a quantization of momentum, p2 ' 1/R2, of the fields
propagating in the bulk, and the apparition of a set of Fourier expanded modes (Kaluza-Klein (KK) states, for each
bulk field. Particles moving in extra dimensions appear as heavy particles with masses mn = n/R (a set of copies of
normal particles). The new states have the same quantum numbers (e.g., charge, color, etc).

A peculiar case of extra dimensions, are the Universal Extra Dimensions (UED). In this case, all the SM fields
propagates in flat extra dimensions. The universal extra dimensions are assumed to be compactified with radii much
larger than the traditional Planck length, but smaller than in the ADD model, ' 10−18 m. Extra dimensions are
characterized by R'1/TeV.

If extra dimensions are compactified around a circle or torus, the extradimensional momentum conservation implies
conservation of the KK number n, and the lightest 1-st level KK state is stable[187].

However, in order to obtain chiral fermions at zeroth KK level, the extra dimension is compactified on an S1/Z2
orbifold (orbit-fold)7. The orbifold leads to the violation of KK number conservation but can leave a "remnant" of
the quoted simmetry, usually named KK parity. The conservation of the KK-parity implies that interactions require an
even number of odd KK modes, leading to the lightest Kaluza-Klein particle (LKP) stability.

Theories with compact extra dimensions can be written as theories in ordinary four dimensions by performing a
Kaluza Klein (KK) reduction. Consider as an example a field theory of a complex scalar in flat five-dimensional (5D)

7 A compactification on an orbifold, S1/Z2, a circle S1 with the extra identification of y with -y, corresponds to the segment y ∈ [0,πR], a manifold
with boundaries at y = 0 and y = πR



FIGURE 35. KK relic abundance. Solid line B(1) alone. Dashed line (dotted line): B(1) plus the effect of KK leptons 5% (1%)
heavier that the LKP. Horizontal band: measured DM abundance (from Hooper 2009)[141]).

spacetime. The action will be given by

S =
∫

dx4
∫

πR

−πR
dyLSM(x,y) (78)

As an example, we may suppose that the fifth dimension is compact with the topology of a circle S1 of radius R, which
corresponds to the identification of y with y+2πR. In such a case, the 5D complex scalar field can be expanded in a
Fourier series:

φ(xµ ,y) =
∞

∑
n=−∞

1√
2πR

φ
(n)(xµ)einy/R (79)

Zero modes are identified with SM fields and one gets

S =
∫

dx4
∫

πR

−πR
dyLSM(x,y) =

∫
dx4[L(0)

SM(x)+ ....] (80)

which is a 4D theory. The parameters in UED models are completely specified in terms of the SM parameters. There
are only three free parameters in minimal UED model: R (size of extra dimension), Λ (cut-off scale), mh (Higgs boson
mass).

The LKP’s candidates are the first KK excitation of the hypercharge gauge boson, the B(1) state (more commonly
indicated with: first KK excitation of photon); KK excitation of: Z, neutrinos, Higgs boson, graviton. The first level
KK excitation of Higgs is not a likely candidate because of its large zero-mass mode, while direct detection excludes
KK sneutrinos (as sneutrinos and fourth generation Dirac neutrinos). Consequently the LKP is most likely associated
with the B(1) state[197, 189], or a mixture of B(1) and KK Z (Olive 2003[144]).

Since KK leptons freeze-out quasi independently from the LKP, they have a larger relic abundance with respect
other states (see Fig. 35).

Dark Matter detection

There are different ways to try to verify the existence of the zoo of particles about which we discussed. Here we
discuss the direct and indirect detection methods.

The idea at the base of direct detection is that since DM (WIMPs) fill in our galaxy, and one can try to detect these
particles when they pass through Earth, studying the DM scattering with nuclei[193, 191].

In the case of elastic scattering, a WIMP interact with a nucleus causing it to recoil. In inelastic scattering the WIMP
interact with the target’s orbital electrons exciting them or giving rise to ionization of the target. Scattering can be also
spin dependent or independent. In spin dependent scattering, interactions are originated from couplings to the nucleon



spin, and the cross section is proportional to J(J +1). In spin-independent scattering the cross-section is proportional
to A2, where A is the atomic mass of the nuclei of the target. For a WIMP of' 100 GeV, and velocity 10−3 c, the recoil
energy is' 1−100 kev. Experiments which attempt to detect dark matter particles through their elastic scattering with
nuclei (normal matter recoiling from DM collisions), include CDMS, XENON , ZEPLIN, EDELWEISS, CRESST,
CoGeNT, DAMA/LIBRA, COUPP, WARP, and KIMS . Considering a spin-independent experiment the rate observed
in a detector is R = σAIA, where

σA =
4µ2

A
π

[Z fp +(A−Z) fn]
2 (81)

where fp and fn are the WIMP’s couplings to protons and neutrons µA = Mχ MA/(Mχ +MA), A, and Z are the mass
and atomic number, respectively, and

Ia = NT nχ

∫
dER

∫ vesc

vmin

d3v f (v)
mA

2vµ2
a

F2
A (ER) (82)

where NT is the number of target nuclei, nχ is the local DM number density, ER is the recoil energy, f (v) is the DM
velocity distribution, and FA is the nuclear physics form factor. Results are typically reported assuming fp = fn, so
σA ' A2 , and scaled to a single nucleon. Elastic scatter of neutralinos with quarks happens through s-channel squark
exchange or t-channel CP-even Higgs exchange. In scattering dominated by heavy Higgs exchange with mass (e.g.)
200 GeV, the calculated cross section of a' 100 GeV neutralino with a nucleon is 10−5−10−7 pb, for |µ| ' 200 GeV,
and 10−7− 10−9 pb for |µ| ' 1 TeV. In the case of a target of Germanium (e.g., CDMS or Edelweiss experiments)
a WIMP with a cross section 10−6 pb would produce an elastic scattering per kilogram-day of exposure. In the case
of Kaluza-Klein DM, the KK-Nucleon cross sections is very small (see Hooper 2009[141]) ). Detection of KK DM
would require ton-scale detectors.

The previous values of the cross section WIMP-Nucleon, are theoretically calculated. Several experiments has put
constraints on the same quantity. For example Aprile et al. (2011)[192] (see Fig. 36) showed the limits from different
experiments, (e.g, XENON100 (2010), EDELWEISS (2011), CDMS (2009), CDMS (2011) and XENON10 (2011),
Cogent, DAMA) and compared to predictions of the CMSSM, assuming that WIMPs are isothermally distributed
in a halo with v0 = 220 km/s, and assuming a galactic escape velocity of vesc = 544+64

−46 km/s, and a density 0.3
GeV/cm3 (0.008 M�/pc3). The limits on cross section obtained are σ = 1− 10 zb. Collision rate should change as
Earth’s velocity adds constructively/destructively with the Sun’s, this should produce an annual modulation. (Drukier,
Freese, Spergel 1986[193]). Researchers of DAMA experiment claimed to have seen a modulation with T ' 1 yr,
reaching its maximum on June 2 (8.9 σ signal) (see Fig. 37). However, the claimed modulation has not been seen
in CDMS or Edelweiss experiments, which have higher sensitivity. Several studies have attempted to reconcile the
DAMA modulation signal with the null results of other direct-detection experiments [195]. For example a WIMP with
mass of several GeV scattering elastically can satisfy DAMA result being consistent with CoGENT, CRESST, CDMS,
and XENON results.

Indirect detection

The second method used to detect DM is indirect detection, which tries to detect WIMPs annihilation products like
electrons, positrons, antiprotons, neutrinos, and gamma rays. Gamma rays can be also produced through direct decay
of WIMPs to gamma rays: χχ−> γγ , γZ, or γh, giving rise to a gamma-ray line, which if observed would be a very
strong evidence in favor of DM annihilation. Typical final states include heavy fermions: bb, tt, τ+τ−, gauge or Higgs
bosons: W+W−, ZZ, hA, HA, ZA, Zh, ZH, W±H±8

Synchrotron and Inverse Compton Relativistic electrons up-scatter starlight to MeV-GeV energies, and emit syn-
chrotron photons via interactions with magnetic fields

In the case of KK dark matter annihilation channels are τ+τ−, µ+µ−, and e+e−[196, 197].

8 h, H, H±, and A are the MSSM Higgs bosons.



FIGURE 36. Spin-independent elastic WIMP-nucleon cross-section as function of WIMP mass (from Aprile et al. 2011)[192]).

FIGURE 37. DAMA experiment (from Bernabei et al. (2008)[194]

Gamma Rays produced by annihilation of WIMPs

The use of gamma rays as indirect search of WIMPs has some advantages on other indirect techniques: a) they
are not influenced by magnetic fields and as a consequence they can be used to localize their sources; b) they are not
attenuated and spectral information is not lost.

Fig. (38) plots the gamma ray spectrum corresponding to different modes of annihilation
The places were is more probable to detect indirectly DM are high density regions like: the Galactic centre[198,

199], dwarf satellite galaxies, black holes neighborhood, nearby galaxies.
The prospects for this depend, however, on a number of factors including the nature of the WIMP, the distribution

of dark matter in the region around the Galactic Center, and our ability to understand the astrophysical backgrounds
present.

In order to determine the gamma ray flux coming from DM annihilation one needs the product of WIMP’s
annihilation cross section with the relative velocity, < σXX |v| >, the DM density in terms of the distance from the
Galactic center, ρ(r), and the gamma ray spectrum dNγ/dEγ generated by WIMP annihilation. The flux can be written
as:

Φγ(Eγ ,ψ) =
1
2
< σXX |v|>

dNγ

dEγ

1
4πm2

X

∫
los

ρ
2(r)dl(ψ)dψ. (83)



FIGURE 38. WIMP annihilation gamma ray spectrum: 500 GeV (left) 100 GeV (right), from Hooper (2009)[141] . Annihilation
modes: µ+µ− (red dashed); τ+τ− (black solid); ZZ (magenta dot-dashed), e+e− (green dotted), W+W− (blue dashed), and bb̄
(solid cyan).

where los stands for line of sight, and ψ is the is the angle measured from the Galactic centre direction. Averaging
over ψ Eq. (83), one gets:

Φγ(Eγ)≈ 2.8×10−12 cm−2 s−1 dNγ

dEγ

(
< σXX|v|>

3×10−26 cm3/s

)(
1TeV
mX

)2

J(∆Ω,ψ)∆Ω, (84)

where J(∆Ω,ψ) is the average of J(ψ)

J(ψ) =
1

8.5kpc

(
1

0.3GeV/cm3

)2 ∫
los

ρ
2(r(l,ψ))dl. (85)

on the solid angle ∆Ω.
As we already reported, we need ρ(r) to obtain the flux. The density profile used may be one of those described

in section 2 (Dark matter distribution), but often a generalized NFW profile (Zhao et al. (1996)[201], Kravtsov et al.
(1998)[202])) is used

ρ(r) =
ρ0

(r/R)γ [1+(r/R)α ](β−γ)/α
, (86)

where ρ0 ∼0.3 GeV/cm3, and R ∼ 20 kpc. The NFW profile has γ = α = 1, β = 3, and inner slope (ρ ∝ r−1) while
the Moore profile, characterized by a steeper inner profile (ρ ∝ r−1.5) than the NFW model has γ = α = 1.5, β = 3
(see Fig. 39 for more density profiles). For different density profiles the flux changes, it is larger for cuspy profiles
and smaller for cored ones. So, one expects a larger value of the flux for the Moore profile than a NFW profile.
The expected value of J, for the two profiles is: J(∆Ω = 10−5 sr,ψ = 0) ∼ 105 for the NFW profile, and ∼ 108 for
Moore profile. From the above discussion, it is clear that the distribution of DM in the central part of the Galaxy is of
fundamental importance, and at the same time that it is difficult to predict the DM distribution in the inner part of the
Galaxy.

N-body simulations can predict DM distribution to ' 100 pc (Stadel et al. 2009[200]), and moreover in the inner
part of the Galaxy the role of baryons is important, and not taken into account by simulations. Another problem is
to disentangle gamma ray emission coming from astrophysical sources and those caused by DM. For example, an
emission of very energetic gamma rays, observed by HESS, coincident with the center of the Galaxy, characterized by
a power-law spectrum in the range 160 GeV-20 TeV, is incompatible with a DM interpretation.

Gamma ray detection coming from DM annihilation can be detected through ground based telescopes (Atmospheric
Cerenkov Telescopes) (e.g., MAGIC, HESS, and VERITAS), or space telescopes (e.g., Fermi). Ground based tele-
scopes study small angular regions with greater exposure of space telescopes which study a larger fraction of the sky.
The Fermi-LAT instrument[203], explores the gamma-ray sky in the 20-300 GeV range with a sensitivity ten times
larger than EGRET[204] Fermi’s "forefather". Targets of telescope are the Galactic center, the MW dsPhs, the MW
halo, the isotropic gamma-ray background radiation (IGRB) generated by unresolved haloes.



FIGURE 39. Comparison of different density profiles used in the calculation of X-ray emission from DM annihilation. Moore
profile has α = γ = 1.5, and β = 3. NFW profile has α = γ = 1, and β = 3. Kra stands for Kravtsov with α = 2, β = 3, and γ = 0.4.
ISO has α = β = 2, and γ = 0.

).

FIGURE 40. Upper limits to < σv > for different annihilation channels, obtained through Fermi-LAT,in the case of MW (left
panel) and MW dSphs (right panel). The dot dashed line correspond to annihilation cross section of in the canonical thermal relic
WIMP scenario (3×10−26cm3/s (Maziotta et al. (2012)[205]

Mazziotta et al. (2012) used Fermi-LAT data of the MW and the dSphs of the MW, and an approach model-
indipendent to set upper limits to the DM annihilation cross sections for four channels, bb, µ+µ− τ+τ−, and W+W−.
In the case of the dSphs the upper limits on < σv >, in the range ' 5− ' 25 Gev, are below the prediction of the
canonical thermal relic scenario (3×10−26cm3/s) (see Fig. 40).

Abazajian & Kaplinghat (20012)[206] used the second year diffuse Galactic map, and the point source catalog of
Fermi-LAT of the Galactic center (70×70) (see Fig. 41). The gamma ray-spectrum is compatible with annihilation of
DM particles of masses 10 GeV-1 TeV to bb quarks, and particles of 10-30 GeV annihilation to ττ leptons. However,
spectrum and intensity of emission are compatible with emission from millisecond pulsars, and moreover a part of the
emission region is in conflict with constraints coming from MW dSphs obtained by means of Fermi.



FIGURE 41. Limits to < σv > for two different annihilation channels, obtained through Fermi-LAT, from GC (from Abazajian
& Kaplinghat 2012.)[206]

Moving to larger scales, Fermi-LAT and EGRET measured the Isotropic Gamma Ray Background (IGRB). The
flux from DM induced extragalactic photons can be expressed as[207]

dφγ

dE0
=
〈σv〉
8π

c
H0

ρ̄2
0

m2
DM

∫
dz(1+ z)3 ∆2(z)

h(z)
dNγ(E0(1+ z))

dE
e−τ(z,E0), (87)

where τ(z,E0) is the optical depth, c is the speed of light, mDM the DM mass, h(z) =
√

ΩM(1+ z)3 +ΩΛ, dNγ/dE the
gamma-ray spectrum, while ∆2(z) (see [207]), is the enhancement factor of annihilation due to DM clustering. This
last quantity is obtained from N-body simulations (with the two limits before indicated). The spectrum shape depends
on the particle physics, the attenuation effects, and the way DM structures evolve with z (N-body simulation).

Fermi-LAT and EGRET measurements of the IGRB have been compared to DM induced spectra from µ+µ−, bb,
and γγ annihilation channels[208], to set upper limits on the annihilation cross section for the three quoted annihilation
channels (see Fig. 42).

Concerning the astrophysical contribution to the isotropic diffuse signal, AGNs have been the favored candidates,
but according to Fermi measurement of blazar luminosity function they can make up maximally 30% of the extragalctic
signal[210]. Concerning star forming galaxies (SFG), Fields et al[211], based partly on Fermi measurement of the
Galaxy diffuse emission conclude that SFG could make up most of the extra-galactic signal at lower energies.

Han et al. (2012)[209], using 3-yr Fermi-LAT data, observed evidence of extended gamma-ray excess emission
within three degrees of the center of Coma, Virgo, and Fornax (see Fig. 43). Interpreting the emission as annihilation
emission from DM, the models preferred by data are a) a 20-60 GeV particle annihilating into the bb final state, or b)
a 2-10 TeV particle annihilating into µ+µ− final state.

WIMPs annihilation and Charged Cosmic Rays

WIMP annihilations throughout the galactic halo can produce charged cosmic rays, including protons, antiprotons,
electrons, and positrons. PAMELA experiment observed a rise in the cosmic ray positron fraction (the ratio e+/(e++
e−) starting at 10 GeV and measured till' 100 GeV[212], in agreement with previous observations from AMS-01 and
HEAT, which was confirmed and extended to ' 200 GeV by Fermi[213] (see Fig. 44). Interpreting the observations
in terms of DM annihilation, the excess can be generated by a 3 TeV DM particle annihiliating into τ+τ−[214]. A
feature in the CR electron spectrum starting at 300 GeV, peaking at 600 GeV and ending at 800 GeV was observed by
ATIC[215] and also observed by Fermi[217, 216] (see fig. 45)). It has been interpreted as annihilation of a KK dark
matter particle with mass ' 600 GeV.

Even if the energy spectrum shape of the previous observations is consistent with WIMP dark matter candidates,
in order to produce the PAMELA and ATIC signals WIMPs it is necessary that annihilation happens mostly in the
charged leptons channel. In this way there will not be overproduction of CR antiprotons, and the resulting spectrum is



FIGURE 42. IGRB measurements by Fermi-LAT and EGRET, the lines represent three types of gamma-ray spectra by DM
annihilation (from Abdo et al. 2010)[208]).

FIGURE 43. Upper limit to bb DM annihilation cross-section from clusters of galaxies (from Han et al. 2012[209]).

hard enough. However, the annihilation rate needed to explain the observations should be from two to three orders of
magnitude larger than expected from a thermal relic. A solution to the problem could be a boosting of the annihilation
rate by local inhomogeneities, or one could suppose that the production mechanism is non-thermal (see Hooper
2009[141] for other solutions).

Conversely, the quoted emission excess could be produced by Pulsars[218, 219, 220, 221, 222] (see Fig. 46).
However, the edge in ATIC excess is easier to explain with DM particle particles annihilating directly to e+e−

producing an edge in the CR spectrum of e−, that drops abruptly at energy Ee = mX . Pulsars, instead, produce more



FIGURE 44. Left Panel: positron fraction from Pamela[212]. The solid line is a spectrum from GALPROP (Moskalenko &
Strong) for pure secondary production of positrons during CR propagation in MW. Right panel: data from Fermi 2011[213],
Pamela, AMS, and Heat.

FIGURE 45. Total electron+positron spectrum. Left panel: data from ATIC. It is clearly visible the bump at ' 600 GeV. The
lines are theoretical models results[215]. Right panel: Fermi excess compared with other previous data( from [217])

regular spectra.
A microwave excess emission from the Galactic center was observed by WMAP[223, 224, 225] and confirmed by

Plank[229] (see Fig. 47). The "WMAP haze", as it has been dubbed, has been interpreted as syncroton emission from
electrons/positrons. Initially it was interpreted as thermal bremsstrahlung from gas with temperature 104−106 K. This
interpretation is ruled out by the lack of a corresponding Hα recombination (X-ray) line. The emission appears to
be hard synchrotron emission from a new population of energetic electrons/positrons in the inner galaxy, too hard to
be supernovae shocks, and too extended to be a singular event (GRB, etc). In summary it is very difficult to explain
astrophysically. In 2004, Doug Finkbeiner[224] proposed the explanation that WMAP Haze could be synchtrotron
from electrons/positrons produced in dark matter annihilations in the inner galaxy. If one assumes a NFW profile,
a WIMP mass of 100 GeV and an annihilation cross section of 3× 10−26cm3/s, the total power in dark matter
annihilations in the inner 3 kpc of the Milky Way is ' 1.2× 1039GeV/s, and the total power of the WMAP Haze is



FIGURE 46. Total electron+positron spectrum. Left panel: Fermi excess compared with other previous data( from [226]). Black
continuous line: conventional model[228]) to fit pre-Fermi data model. Gray band: systematic errors on the cosmic ray electrons
(CRE) spectrum measured by Fermi-LAT. Red dashed, and blue dot-dashed lines, models having modified injection to fit Fermi-
LAT CRE data. Right panel: electron-plus-positron spectrum (blue continuous line) from pulsars from the ATNF catalogue[227],
summed to the large-scale Galactic component (GCRE). Colored dot-dashed lines: Monogem and Geminga pulsars. Black-dotted
line: the GCRE, computed with GALPROP. Gray band: systematic errors on the CRE Fermi-LATdata.

FIGURE 47. WMAP haze seen by Planck (from Ade et al. 2012[229])

between 0.7×1039−3×1039GeV/s, in agreement with DM annihilation. When the effects of diffusion are accounted
for, a cusped halo profile, with r ∝ R−1.2+0.1

−0.1 , is consistent with the Haze morphology. For a typical 100-1000 GeV
WIMP, the annihilation cross section needed is within a factor of 2-3 of the value needed to generate the density of
dark matter thermally (3×10−26cm3/s). So, no boost factors are required.

In the following will recall some older possible evidences for DM detection.
In 2003, the INTEGRAL/SPI spectrometer observed a bright 511 keV emission from the bulge of the Milky Way

(1.3× 1043 positrons injected persecond). The morphology is Gaussian, spherically symmetric It is challenging to
explain 511 signal with non-exotic astrophysics. Type Ia supernovae are unable to generate the observed injection rate



(too few escape). Hypernovae (type Ic SNe) or gamma ray bursts could potentially generate enough positrons if high
estimates for rates are considered. However, even if the injection rate is sufficient, a mechanism is required to transport
it from disk to bulge, and this appears to be somewhat difficult. A DM particle with mass 1-10 MeV annihilating to
e+e−[231] could generate both the 511 keV emission and the measured relic abundance. In any case, is difficult to
construct a viable particle physics model with a MeV WIMP. As already discussed[165, 166], were proposed scalar
candidates in the mass range 1-100 MeV, that can generate the quoted integral line (see Hooper 2009[141] for other
solutions to this problem).

SMALL SCALE PROBLEMS OF THE ΛCDM

Despite the successes of ΛCDM on large and intermediate scales, serious issues remain on smaller, galactic and
sub-galactic, scales. In particular: 1) The missing satellite problem, namely the too high predicted number of small
haloes from simulations of the ΛCDM model in comparison with observations. 2) The Too Big To Fail problem:
dissipationless ΛCDM simulations predict central densities of MW dSPhs too large with respect to subhaloes obtained
in simulations. 3) The angular momentum catastrophe, namely the low angular momentum of baryons obtained in
simulations with the consequence to get galaxies with a small radius of discs. 4) The Cusp/Core Problem, namely while
simulations predict cuspy dark matter haloes, dwarf galaxies, and Irregulars, DM dominated, show cored profiles.

The missing satellite problem

Concerning the missing satellite problem, Moore et al (1999)[237] noticed that the number of subhaloes within
galactic and cluster mass halos was much larger than the number predicted by N-body simulations. In MW the
number of satellites with circular velocities larger than Draco and Ursa-Minor (i.e. bound masses > 108M� and
tidally limited sizes > kpc) were around 500, and we know that the MW dSphs are much less (see Fig. 48, top
left panel). All subsequent simulations showed this problem. Basically all cosmological simulations predict that there
are at least one order of magnitude more small subhalos (dwarf galaxies) around Milky Way like galaxies than what is
observed (e.g. Via Lactea simulation[294] The problem was slightly mitigated after the discovery of ultra-faint MW
satellites[99, 100, 101, 102, 103, 104]. The idea on which the solutions to the problem are based is that only some
satellites are visible, and the proposed solutions to the problem can be classified as: a) satellites having the largest
masses before accretion (LBA) by MW, and which could resist tides[238]. b) The ones which acquired gas before
re-ionization and formed stars: Earliest Forming (EF)[239, 237] (see Fig. 48, top right, and bottom left). These models
are based on reionization suppression[239, 240].

Other possible solutions studied are stellar and supernova feedback (e.g. [241, 242]), and gas stripping by ram
pressure (e.g., [243]) as favorite suppression mechanisms. An interesting paper is that of[244], in which they corrected
for the Ultra-faint dwarfs with M/L ' 1000 discovered (from SDSS data). In the case reionization happened at
z = 9−14, protostructures could not attract enough baryonic matter to create a visible dSPh. In this case the problem
is almost solved (see Fig. 49, bottom right panel).

The Too Big To Fail problem

The second problem, Too Big To Fail, is connected to the previous one. The problem arose from analyses of the
Aquarius and Via Lactea simulations. Each simulated halo had ' 10 sub-halos that were too massive and dense with
respect to MW dSphs that they would appear to be too big to fail to form lots of stars. The TBTF problem is that none
of the observed satellites of the Milky Way or Andromeda have stars moving as fast as would be expected in these
densest sub-halos[245, 246] (see fig. 50).

Inclusion of baryonic physics can create shallower slopes of the dark matter densities in the centers of low-mass
galaxies reducing or solving the discrepancy between cuspy profile predicted in N-body simulations and flat ones seen
in observation. One possible solution is that showed by Brooks et al. (2012)[251] using a suggestion of Zolotov et al.
(2012)[252]. The last author proposed a correction to the velocity in 1 kpc

∆(v1kpc) = 0.2vin f all−0.26km/s; 20km/s < vin f all < 50km/s (88)



FIGURE 48. Top left panel: Comparison of simulation of Moore et al. (2009)[237] simulations for dSphs and clusters with
observations from Mateo 1998[247], and [248] (from Moore et al. 2009[237]). Top right panel: Comparison of Via Lactea
Simulation with the MW dSphs, the EF, and LBA scenario (from Strigari et al. 2007[249]. Bottom left panel: Comparison of Via
Lactea Simulation with the MW dSphs, MW dSphs+ Ultra-faint dwarfs, the EF , and LBA scenario (from Madau et al. 2008[250]).
Bottom right panel: comparison of Via Lactea Simulation with the MW dSphs+ Ultra-faint dwarfs, and Via Lactea subhaloes at
redshifts 9.6, 11.9, 13.6 (from Simon & Geha 2007[244]).

that must be applied to the central parts of low-mass galaxies, in order to take into account tidal stripping enhancement
due to baryons, and the effect of supernova feedback flattening the cusp in the haloes (see fig. 51).



FIGURE 49. the Too Big To Fail problem (from Boylan-Kolchin et al. (2012)[246]).

FIGURE 50. A solution to the Too Big To fail problem through baryon physics (from Brooks et al.[251]).

The angular momentum catastrophe

The third problem is the "angular momentum catastrophe". In the standard model of disk formation one assumes
detailed Conservation of Angular Momentum (Mestel 1963), that baryons initially trace dark matter[253], adiabatic



FIGURE 51. Left panel: Comparison of the observed and simulated specific angular momentum (from Navarro & Steinmetz
2000. Right panel: Comparison of specific angular momentum distribution into an exponential disc and the excess of low and high
angular momentum material in simulations

contraction[315] is taken into account, a realistic Halo Profile[255] is needed, bulge is assumed to form from
disk instabilities[255, 256] and finally the receipt is closed by adding supernova feedback[257]. Unfortunately this
Standard Model has problems. Hydrodynamical simulations show that the angular momentum of the baryons is not
conserved during collapse, baryons have ' 10% of the angular momentum of observed disks[258, 259, 260], and
also the distribution of specific angular momentum in N-body simulations does not agree with observations (j-profile
mismatch)[239, 257]. Other problems add to the previous: the spread in disk sizes seems to be narrower then the
spread in the spin parameter, λ , values[261]. Major mergers should lead to spheroids, but they also have the highest λ

values[262].
The loss of angular momentum, as been dubbed "angular momentum catastrophe" (see Fig. 51). Angular momentum

is possibly lost during repeated collisions through dynamical friction or other mechanisms[? 263].
This problem has been also associated with the problem of "over-cooling" also seen in hydrodynamical simulations.

If the baryons cool rapidly and sink to the centers of dark halos, then they will loose their angular momentum.
Following the illustration in Fig. (52, left and central panel) from Maller & Dekel (2002)[264], we see that if a satellite
overcools, it becomes resistant to tidal stripping. It will then infall in the center of the halo and will transfer its angular
momentum to the halo through dynamical friction. The satellite is dominated by DM in its outer parts, and this DM is
stripped in the external parts of the halo. As a consequence it will keep a part of its angular momentum.

In order over-cooling is prevented, it is necessary that in the system exists some form of heating. Adding supernova
feedback solve the problem[264]. Supernova transfer energy to the interstellar medium, and as a result gas is removed
from small halos (which by merging giving rise to the low specific angular momentum of the halo) with the result that
baryons with low specific angular momentum are eliminated. Loss of angular momentum of baryons due to dynamical
friction is reduced by the combination of tidal stripping and the heating with consequent gas puffing up in larger haloes
(see Fig. 53, bottom).



FIGURE 52. Left panel: From Over cooling to angular momentum catastrophe. Central panel: Effect of over-cooling on dark
matter and baryons (purple) spin distribution. Right panel: effect of heating, blowout and heating+blowout on bright galaxies (blue
histograms) and dwarf galaxies (red histograms) (from Maller & Dekel 2002).

The Cusp/core problem

The fourth problem, we mentioned is the Cusp/Core problem. Flores & Primack[265] and Moore (1994)[266] found
that DDO galaxies have rotation curves ruling out cuspy profiles and that their density profiles are well approximated
by isothermal profiles. The problem is that dissipationless simulations of the CDM produce cuspy profiles. Navarro,
Frenk, & White (1996, 1997)[267, 268], showed that DM profiles are cuspy, with inner density ρ ∝ r−1 (see Eq. 41),
that they are universal, namely independent from the cosmology, and from the scale. Higher resolution simulations
by[269, 270] found a different inner slope, ρ ∝ r−1.5, while[271, 272, 273, 274, 275] found evidences for the non-
universality of the NFW profile9. In Del Popolo[275, 276], it was shown that the non-universality is connected to
the baryons presence in the inner parts of the structures. More recent simulations[200, 277] showed that the density
profile is better approximated by an Einasto profile (Eq. 42), characterized by a slope that becomes shallower toward
the center of the clusters. In the case of Stadel et al. (2008)[200] simulations the slope at 120 pc is -0.8. However, from
the observational point of view, the inner profile of LSBs, dwarf Irr, dSphs, which are DM dominated are characterized
by a cored profile [278, 279, 280, 86, 281, 85, 282] (see fig. 53).

Gentile et al.[283, 284, 285] decomposed the total rotional curves of some spiral galaxies in stellar, gaseous, and
dark matter components (see Fig. 15). Fitting the density with various models they found that constant density core
models are preferred over cuspy profiles. Similar result was obtained by Oh et al. (2010)[85] using 7 dwarf galaxies

9 Jing & Suto 2000[271] found different -1.5 for galaxies, -1.3 for groups, and -1.1 for clusters.



FIGURE 53. The Cusp/Core problem

FIGURE 54. Top left panel: density profiles for different masses. Bottom left panel: comparison of the specific angular momen-
tum in simulations from [317] (lines) and semianalytical model result (histograms). Top and bottom right panel: comparison of the
semyanalitical model (solid line), the NFW model (dashed lines) with two rotation curves (from [314].

from the THINGS (The HI Nearby Galaxy Survey) galaxies (see Fig. 16). However, as already reported, de Blok et
al. (2008)[86] using THINGS galaxies showed that high mass spiral galaxies with MB < −19 have profiles equally
well fitted by the NFW profile or a Pseudo Isothermal (ISO) profile, while low mass spirals with MB > −19 prefer a
ISO model. Simon et al. (2005)[84] studied the low mass spirals NGC 2976, NGC 6689, NGC 5949, NGC 4605, and
NGC 5963 finding a large scatter of the inner slope α , compatible with a cored profile, α ' 0.01, for NGC 2976, and
a cuspy one α ' 1.28 for NGC5963. The other three galaxies had α ' 0.80 (NGC 6689), α ' 0.88 (NGC 5949), and
α ' 0.88 (NGC 4605). In other terms, if a large part of dwarfs are well described by cored profiles, some others are



FIGURE 55. Top panels: evolution of the rotation curves with time and for different configuration of the system. Bottom panels:
same as the top pannels but for the density profile (from [306]).

not.
As previously described, a similar problem is also presenting galaxy clusters. Sand et al. (2004)[115] combining

weak lensing, strong lensing, and velocity dispersion studies of the stars of the BCG (Brightest Central Galaxy) found
that of the clusters MACS 1206, MS 2137-23, RX J1133, A383, A1201, A963, only RX J1133 had a profile compatible
with the NFW model, and similar studies of Newmann et al. (2009)[118] (A611), Newman et al. (2011)[128](A383),
and Newman et al. (2012)[119] (MS2137, A963, A383, A611, A2537, A2667, A2390). For sake of precision, I want
to recall that Donnaruma et al. (2011)[126] found a cuspy profile for A611 combining strong lensing and X-ray
observations, and this is not the only discrepancy in the study of the same cluster. In general gravitational lensing
yields conflicting estimates sometime in agreement with numerical simulations (Dahle et al 2003[124]; Gavazzi et al.
2003[125]; Donnaruma et al. 2011[126]) or finding much shallower slopes (-0.5) (Sand et al. 2002[323, 115]; Newman
et al. 2009, 2011, 2012)[118, 128, 119]. X-ray analyses have led to wide ranging of value of the slope from: -0.6 (Ettori
et al. 2002[130]) to -1.2 (Lewis et al. 2003) till -1.9 (Arabadjis et al. 2002[131]), or in agreement with the NFW profile
(Schmidt & Allen 2007[121]; 34 Chandra X-ray observatory Clusters) Newman et al. 2012[119]



Proposed solutions to the Cusp/Core problem.

Many solutions have been proposed to solve the Cusp/Core problem and in general the small scale problems of
the ΛCDM. While a decade ago some authors (e.g., [286, 287]) pointed the finger against observations, claiming
that the inconsistence could be due to poor resolution or to a not proper way of taking account of systematic effects
(non-circular motions, beam smearing, off-centering) which tend to systematically lower slopes. Moreover, according
to [288] error bars were large enough so that the cores are favored but cusps can usually not be ruled out. Several
authors ([289, 290, 288]) suggested ways to reconcile simulations with the observations. According to them, the
new simulations, performed in 2004 ([289, 290, 288]), are in better agreement with observations, since they become
progressively shallow from the virial radius inwards. DM haloes are non-spherical and 3D. Comparing rotation speeds
of gaseous disks to spherically averaged circular velocity of DM haloes, one should expect differences. In other
words, the observational disagreement would be with the fitting formulae, rather than with simulated haloes ([288]).
Nowadays it is well known, that even with very high resolutions, the minimum inner slopes is −0.8 ([200]), and at
the same time it is clear that high resolution observations can distinguish cored and cuspy haloes by deriving their
asymptotic inner slopes from rotation curve data[282].

Another possibility is a failure of the CDM model or problems with simulations[291, 292, 293]. However, modern
simulations doe not suffer of problems like lack of resolution, relaxation, and overmerging, like in the past. Con-
vergence tests performed by[294], showed that N-body simulations are finding correctly the CDM density profiles.
However, N-body simulations are dissipationless, baryons are not taken into account, and we know that in the inner
regions of galaxies (inner kpc) baryons are not negligible, and that in the central 10 kpc of clusters baryons are dom-
inating over DM (Sand et al. 2004[115]; Newmann 2009, 2011, 2012[118, 128, 119]). So, we need SPH simulations
in order to study the inner parts of galaxies and clusters, supposing that we know enough of baryon physics. The
other possibility, as mentioned, is that the CDM model is wrong, and has been speculated that other forms of DM
(warm[295], fuzzy[296], repulsive[297], fluid[298], annihilating[299], decaying[300], or self-interacting[301]) could
solve the small scale problems of the CDM model. Another solution is to modify gravity (e.g., f (R), f (T ) theories,
MOND). f (R), and f (T ) theories are a types of modified gravity theories, generalization of Einstein’s General Rela-
tivity. f (R) are theories defined by a different function of the Ricci scalar. f (R) theory was first proposed in 1970 by
Buchdahl[302]. Starobinsky[303] turned the field into an active research field. The f (T ) has been introduced to explain
Universe acceleration without using dark energy (see [304]). Finally, the Modified Newtonian Dynamics, introduced
in 1983 by Milgrom[305] as a way to model rotation curves of galaxies.

However, before throwing away a model that explains many of the observations and features of our Universe, it
would be wise to verify if the small scale problems could be connected to some piece of local physics that we do not
understand correctly or that we are not introducing in our calculations.

Possible solutions of the Cusp/Core problem saving the ΛCDM model are based on the idea that some mechanism,
that could "heat" the DM, would produce a inner flatter density profile. Example of these mechanisms are the effect of
a rotating bar, transferring angular momentum from baryons to DM through dynamical friction[306, 307, 281], AGN,
gas bulk motions generated by supernova explosions[308, 319]

Since N-body simulations does not take into consideration baryon physics, some semi-analytical models have been
used to study the Cusp/Core problem.

Several authors[310, 311, 312, 313, 314] used secondary infall models to discuss the role of angular momentum in
structure formation, arriving to the conclusion that the larger is the angular momentum of a proto-structure the flatter
is its inner density profile, finding agreement with the rotation curves of dwarfs[314], and showing that the specific
angular momentum acquired in the semyanalitical model is larger than that of simulations (see Fig. 54). El-Zant et
al. (2001, 2004)[306, 307], showed that clumps of baryons loose energy that is trasferred, through dynamical friction,
and deposited in the DM component of the system producing a flattening or erasing of the cusp, both in dwarf galaxies
and in clusters of galaxies (see Fig. 55). Other authors studied the baryons effects only through adiabatic contraction
of DM haloes[315, 316] that produce a steepening of the density profiles. In one paper, Del Popolo (2009)[281] took
all the quoted effects into account, in a secondary infall model, namely: ordered angular momentum acquired by the
proto-structure through tidal torques, random angular momentum, energy and angular momentum exchange between
baryons and DM through dynamical friction, and adiabatic contraction. The paper showed that the discrepancy between
N-body simulations and observed density profiles is due to the fact that in the inner part of the proto-structure the role of
baryons is not negligible, and comparing dissipationless simulations to real structures containing baryons is not correct
(see Fig. 56, 57). In Del Popolo (2012)[87], the model was applied to dwarfs of galaxies showing that the formation
history, the content of baryons, and the environment influence their density profiles. While on average dwarfs are well
fitted by Burkert’s profiles, in some case the NFW profile is a good fit, as shown in de Blok et al. (2008)[86], and



FIGURE 56. Left panel: evolution of a density profile of a 108M� galaxy from z = 10 to z = 0. Right panel: evolution of a density
profile of a 1014M� cluster from z = 3 to z = 0 (from Del Popolo (2009)[281].

FIGURE 57. Comparison of rotation curves obtained semianalitically (solid lines) with NFW model (dashed lines) (from del
Popolo (2009)[281]).

Simon et al. (2005)[84]. In Del Popolo (2012)[129], were studied the density profiles of clusters and compared with
Sand et al. (2004)[115], and Newmann et al. (2009, 2011, 2012)[118, 128, 119] observations, finding good agreement
(see Fig. 58).

As already reported, Governato et al. (2010)[319] simulated two dwarf galaxies using the SPH technique. In their
simulation they took into account the role of supernova explosions and gas outflows from them. According to their
simulation, gas outflows eliminate the gas having low angular momentum, and as a result the dwarf does not form a
bulge and the density profile is cored and not cuspy. The idea at the base of Governato’s result is not new at all. The
process by them used was already proposed by several authors[320, 321, 322, 308]

In summary, the Cusp/Core problem can be solved in several ways, the challenge is to understand which solution is
the correct one, and this is also valid for the others small scale problems.



FIGURE 58. Top left panel: density profile of A611. Grey solid line: NFW profile. Dashed lines: Newman et al. (2009)[118]
density profile. Black band: the result of Del Popolo (2012)[129]. Top right: mass profile of A383. Grey band: observational result
of Newman et al. (2011)[128]. Black band: mass distribution obtained in Del Popolo (2012)[129]. Bottom right panel: mass profile
of MACS J1423. Grey band with error bars: observational result of [318]. Black band: result obtained in Del Popolo (2012)[129].
Bottom right panel: density profile of RX J1133. Solid curve and the dotted-shaded region: Sand et al (2004)[115] observational
results. Black dashed band: the result of Del Popolo (2012)[129].

FIGURE 59. Comparison of Governato et al. (2010) SPH simulation (continue lines) with the semianalytical result of Del Popolo
(2009)[281]) (dashed line).



A Unified baryonic solution to the ΛCDM small scale problems

The quoted problems can be solved once we take into account the baryons physics, and connections among them are
evident. For example, if cuspy density profiles are transformed into cored ones by SF feedback, or dynamical friction,
this also has effects on the distribution and number of substructure/satellites of a large halo. In fact, cored profiles
are more subject to be destroyed by tidal stripping. Ejection of low angular momentum gas by (e.g.) SF feedback can
solve the angular momentum problem, as previously discussed. Recently, a series of papers have sketched a baryonic
solution to the small scale problems of the ΛCDM model (Zolotov et al. (2012) [252], and Brooks et al. (2013)[251]).
The quoted papers are based on the idea ([320, 321, 322, 308, 319]) that SF explosions removes angular momentum
gas from the proto-galaxy with the result of a) flattening the density profile; b) giving rise to the correct angular
momentum distribution in discs. Zolotov et al. (2012) [252] found a correction to the circular velocity in 1 kpc, v1kpc,
that applied to the results of large N-body simulations (e.g., Via Lactea) can noteworthy reduce the discrepancy of the
observed and predicted number of satellites, and their too high density (see Brooks et al.v(2013)[251]).

A similar result, is obtained in the "dynamical friction framework" (El-Zant et al. (2001, 2004)[306, 307]; Del
Popolo (2009)[281]). In this framework, the cusp/core problem is resolved as discussed, and the angular momentum
discrepancy is not present (Del Popolo (2009)[281]). Using Del Popolo (2009)[281] model, it is possible to obtain a
correction to vv1kpc similar to that of Zolotov et al. (2012) [252]. Applying the correction to the Via Lactea satellites,
as in Brooks et al. (2013)[251], the missing satellite problem and the too-big-to-fail problem are solved (Del Popolo
2013[325].

SUMMARY AND OUTLOOK

In this paper, I have discussed the many evidences for DM existence, how it is distributed in cosmic structures, its
particle nature and the "zoo" of candidates that could be the constituents of the dark Universe. I have discussed the
direct and indirect methods of detection, and finally some of the known problems of one of the CDM models that
nowadays seem to be the favorite one from observations, namely the ΛCDM model often called "the concordance
model" or "standard model of big bang cosmology".

Concerning the evidences of DM existence, in the last years, strong evidences come from galaxy clusters collisions,
showing through weak lensing that clusters are made of a dissipationless component, not only gas. Cosmic shear, the
weak lensing of the LSS is another strong evidence that Universe contains matter which deflect the light of remote
objects. In 2012, was observed a weak lensing signature of a filament in the supercluster A222/A223, connecting
the two clusters[324] An important news, coming from particle physics is the absence of SUSY effects in LHC
experiments, and if this will be confirmed in the next years, one of the most promising candidates of DM, the
neutralino, should be substituted by other kind of DM. The great hope put on colliders to reveal hints of the so
called "new physics", has been up to this moment betrayed, but in 2015 LHC could give new and unexpected results.
Colliders give a different point of view on DM with respect to astrophysical experiments, and at the same time they
could provide the needed information to reveal the physics at the base of the DM particles. At the same time, colliders
are not able to test its abundance in the universe or its cosmological stability. This is the reason colliders and direct
and indirect searches must go hand in hand.

Direct and indirect detection of DM has improved a lot in the last years. As early discussed, there was even a claim
of axion detection, after disproved, and the DAMA experiment is claiming since a decade to have signal DM, even
this never confirmed. The space telescope Fermi, has meanwhile studied the galactic center, MW dSphs, clusters of
galaxies, the IGRB, finding possible evidences of DM existence but not any certainty. To disentangle the astrophysical
signal from DM annihilation signal is a not easy task. The 511 MeV line observed several years ago by INTEGRAL,
differently from other signals, is difficult to explain through astrophysics (SN Ia, Hipernovae, etc.), but MeV DM is
difficult to explain.

Indirect, experiments have put constraints to DM-nucleon cross-section which seems to be in the 1−10' zb range.
An important improvement in direct search are the ton scale detectors (e.g., ArDM). These kind of detectors can test
the most attractive DM models, including KK DM, that was before out of reach. Apart from the constraints to SUSY
from LHC, these detectors could put strong constraints on SUSY and/or TeV scale physics. The next step, would be
the detection of WIMPs, and the consequent precise measurements of its mass and interactions.
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